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Chapter 1

Introduction

"When you explain a 'WHY?’, you have
to be in some framework that you allow
something to be true, otherwise you are

perpetually asking why?

Richard Feynman

1.1 Exoplanets in context

Exoplanetetology is one of the fastest-growing [eltls of Astronomy and Planetary Physics.
Since the pioneering work in the 90s by Wolszczan and Frail (1992), Mayor and [elozl1995),
and Charbonneau et al. (2000), the [eltl of exoplanet research has evolved remarkably. While
before 2009 only a handful of exoplanets were known to exist, during the previous decade
contemporary state of the art instrumentation like dedicated high resolution spectrographs
(e.g. HARPS, Mayor et al., 2003) and dedicated high precision photometric surveys (e.g. the
Kepler mission, Borucki et al., 2010) has helped in the detection and characterization of a great
number of exoplanets.

From extremely hot gas giants called Hot Jupiters to much warmer and smaller Neptunes
and Super-Earths, we have detected more than 4000 diverse exoplanets through a variety of
observational techniques. Within 20-25 years of its inception, our understanding of planet

formation and evolution has been completely revolutionized.
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[e Iabt two decades has lead to an important breakthrough in our understanding of the
cosmos. [ankk to Kepler, we know that there are more planets than stars, with every star
containing at least a single exoplanet on average. Moreover, statistical inferences built on
our present sample of detections tells us that stars smaller than our Sun as well as planets
smaller than Jupiter are most common in our galaxy. At the same time, the discovery of Hot
Jupiters (Short period giants) and Ultra Short period planets (Rocky Terrestrials with orbits
very close to the star) suggests that planets can migrate very close to their stars and its not
uncommon for gas giants to be only in far away orbits as predicted by our understanding
of Planet formation. [e_gadal is now to classify them based on the observed physical and
chemical properties. As a result, the [eltl of exoplanets is progressing from an era of detection

to an era of characterization.

1.2 Techniques for the detection of exoplanets

Several techniques have been developed to discover exoplanets, like Pulsar timing (Wolszczan
and Frail, 1992), Astrometry (Dzigan and Zucker, 2012), microlensing (Bond et al., 2004), di-
rect imaging (Chauvin et al., 2004), but the ones that have provided the largest number of
detections are Radial Velocity measurements (Mayor and [eloz]1995) and Transit photom-
etry (Charbonneau et al., 2000) (see [gure 1.1). Of all the techniques shown in [gire 1.1, a
vast majority of exoplanets have been detected via the Radial-velocity method and the Transit
phototmetry.

[eRadial velocity technique, which measures the Doppler velocity of the host star, essen-
tially observes the gravitational wobble of the star around the center of mass of the star-planet
system. For a signi [cant velocity detection, the planet needs to exert a strong gravitational
pull on the star and that’s why mainly gas giants around sun-like stars were discovered in the
initial years. Given the mass of the star and the inclination of the orbital plane, this method
measures the mass of the exoplanet.

[Ce Transit technique searches for small periodic dips in the time-series photometry of the
star. [_esebmall dips are a [ributed to blockade of a fraction of starlight due to the motion of

the exoplanet in front of the star. [Cesebre called Transiting exoplanets. Given the radius of
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the star, this method precisely determines the radius of the exoplanet.

Transiting exoplanets are particularly interesting because we can measure both there size
and mass, by which we can calculate their bulk density. [isallows the [rst classi [cdtion of

exoplanets into gas giants or the terrestrial rocky planets.

1.3 Atmospheric Characterization

1.3.1 Why study exoplanet atmospheres?

A study of exoplanet atmospheres is the next frontier in Exoplanetary sciences for numerous
reasons. Information obtained from atmospheric observations of exoplanets guides us towards
the understanding of questions like “How do planets form? How do they evolve with time?
What are the conditions for habitability?” etc... According to the standard model of planet
formation, planets are presumed to be formed through core accretion until they achieve a par-
ticular gravitational mass (called protoplanets). [Ceseprotoplanets collide among themselves
to form many massive ones and then a runaway gas accretion leading to giant planet forma-
tions (Pollack et al., 1996). Although smaller planets cannot accrete a considerable amount
of gaseous envelopes, they are vulnerable to outside bombardments. ey fbrm so-called sec-
ondary atmospheres by internal out-gassing or external in [LX through icy cometary collisions.
[Cerefbre they are expected to have higher atmospheric metallicities.

For the gas giants another school of thought suggests a gravitational instability model. In
this scenario, gas and dust in the protoplanetary disk rapidly cools down locally and collapses
to form planetary-mass embryos (Boss, 1997), which in turn undergo runaway accretion to
form Jupiter like giants. [us, they are expected to have low and similar H/He metallicity as
the parent star. Consequently, understanding the atmospheric elements of gas-giants, we can
infer about the conditions and compositions of the protoplanetary disks. On the other hand,
by studying the atmospheres of smaller rocky super-earths we can shed some lights on their
evolutionary history.

One of the main basis of studying exoplanetary atmospheres is the search for habitable

worlds. A position of an exoplanet with respect to its host star provides information about
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the amount of irradiation it receives. Lisaledts the average temperature at the surface of the
exoplanet and helps in de [ning a habitable zone around the star where temperature conditions
are favorable for the existence of water in the liquid form.

Nonetheless, irradiation from the star is not the only factor which dictates habitability.
An atmospheric envelope around the planet helps in maintaining the temperature and energy
balance through convective mixing of gases and redistributes the energy income from the
star. Moreover, it also mitigates the complete radiative loss of energy out to space. Several
physical properties such as the temperature-pressure pro [les, atmospheric compositions and
interior outgassing are key components to the understanding of habitability. e cHemical
composition of the atmospheres together with the pressure-temperature pro e informs us
about the conditions for life-supporting volatiles like ozone, methane, carbon dioxides and
the most important oxygen and water vapor. L[ esebieces of information are the underlining
features which dictates whether complex life can exist and survive for long(Gudel et al., 2014).

Moreover, exoplanet atmospheres represent an independent diverse set of laboratory con-
ditions where we can test our models of atmospheric physics. Temperature, gravity and chem-
ical compositions and abundances occupy a wide range of physical conditions, making obser-
vations of these exoplanets capable of giving new broad physical insights into how planetary
physics operate. Most of the transiting exoplanets are so close to their host stars that they are
tidally locked, leading to eternal dayside and nightside hemispheres. Such conditions a [edt
the vertical and horizontal temperature structure in the atmosphere. [us, linderstanding of
the thermal structure, wind velocities, loss or gain of volatiles and condensates in Hot Jupiters

has been a key area of theoretical investigations and observational e [oris.

1.3.2 Study of exoplanet atmospheres

For transiting exoplanets, we can observe their atmospheres by studying the transit depths
as well as the secondary eclipse depth at di Lerent di [erknt wavelengths. During the primary
transit, atmospheric absorption and sca [ering features across the annular envelope of the ex-
oplanet can be discovered while on the other hand a secondary eclipse observations provide
information on the emissions from the visible lit side of the exoplanet. For a complete atmo-

spheric emission mapping we need to study the phase curves following the planet around its
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orbit.

Transit Spectral analysis

When an exoplanet passes in front of its host star, called a transit event, it blocks out a portion

of the starlight which is related to the projected area between the two bodies.

11
f Rstar ( )

where Ry and Rg,, are the exoplanet and the stellar radii respectivelyjs the stellar fux

and f isthe fux dimming during the transit. During the transit some of the starlight will be
€ltered by passing through the atmospheric envelope and will leave a spectral imprint. Atoms
and molecules in the atmosphere will absorb and scaSer light at characteristic frequencies, and
consequently will make the atmospheres opaque at such wavelengths. (Ee exoplanet will,
therefore, have a slightly larger apparent radius at those characteristic wavelengths, which
is observed in forms of a deeper transit depth. Transit depths measured as a function of
wavelengths are called a transmission spectrum. A transmission spectrum does not provide
a global atmospheric information but only the conditions and compositions around the day-
side to nightside separator of the exoplanet. Transmission spectra are typically constructed
by taking time-series of broad-band photometry during a transit event, with the spectra thus
divided into a few wide spectral bins in which transit depths are measured.

(Ee €rst-ever positive atmospheric detection has been accomplished with the study of
HD209458b, later came to known as Osiris. Eis hot Jupiter holds the record of being €rst of
many achievements. Among them, Osiris is the very €rst planet to be detected by both the
radial velocity (Mazeh et al., 2000) and the transit technique (Charbonneau et al., 2000). Eere-
fore, Osiris was well suited for further follow up for atmospheric characterization. Shortly
a%oer its discovery, four transits of Osiris has been observed with the Space Telescope Image
spectrograph (STIS) onboard the Hubble Space Telescope (HST) which produces an unprece-
dented high-quality light curve with 110 parts per million photometric accuracies with an 80s
cadence. Later with the same data Charbonneau et al. (2002) made the very €rst detection of
the atmosphere by discovering an excess absorption in the sodiymdaublet lines.

A%oerwards, Osiris was followed-up by STIS in the far-ultraviolet (FUV), targeting the H1
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Lyman alpha line (Vidal-Madjar et al., 2003). (Ee resulting transit depth was 15% more than
the expected depth. (Ee size predicted from this depth measurement is even more than the
planet's Roche-lobe, indicating the hydrogen gas is outside the gravitational €eld of Osiris and
therefore, this result was inferred as a vigorous atmospheric escape of hydrogen atoms. Shortly
a%oer, Oxygen and Carbon were also detected with further STIS observations (Vidal-Madjar et
al., 2004). Since then, using transmission spectroscopy in the optical, many absorption lines
of atomic species such as Hydrogen, Helium (Spake et al., 2018), Sodium, Carbon and Oxygen
has been detected. Moreover, the absorption features @ End TiO have also been reported
(Sedaghati et al., 2017). Additionally, discoveries of Rayleigh scaSering features in the in-
fated Hot Jupiter atmosphere have also been reported by Berdyugina et al. (2007) in polarized
light. While in the optical, cloud cover and high altitude hazes truncates or disrupts a positive
detection with total faSened spectrum as in the case of Super-Earth GJ 1214b (Kreidberg et
al., 2014). Nowadays, transit photometry is done from X-UV to IR. Infrared observations can
probe deeper layers of the atmospheres, exposing molecular bands which are more intense

and broader and are less perturbed by small particle clouds and hence are easier to detect.

Secondary eclipse and Phase curve spectral analysis

During an exoplanet's motion over the full course of its orbit, the fux contribution from the
dayside and the nightside of the planet will get added onto the stellar fux, and their contri-
bution changes with the orbital phase. In particular, the total fux will reach a maximum just
before or just a%oer the secondary eclipse, when the full dayside of the planet is observable from
Earth (see €g. 1.2). (Eis fux variation is referred to as the phase curve of the exoplanet. When
the exoplanet is seen to pass behind the host star, its fux contribution drops to zero thereby
isolating the fux of the star. (Eus, by subtracting the observed fux just before the secondary
eclipse from that during the eclipse, we can eeciently separate the fux of the bright side of
the exoplanet from that of the star. (Eis fractional fux de€cit at the secondary eclipse is called

the eclipse depth and it is basically the measure of the planet-to-star fux ratio:

(1.2)




Figure 1.2: (Ee phases and fuxes from a transiting planet system (Credit: Josh Winn, MIT)

where,Fy and Fg,, are planet's lit side and stellar fux respectively. Now, ideally, the max-
imum of the phase curve should be just before the secondary eclipse (since at this point the
maximum of dayside is visible) unless there are some irregularities due to the stellar fux mod-
ulation coupled with the phase curve. (Eis can happen due to irregularities like ellipsoidal
variations and doppler beaming (Esteves, De Mooij, and Jayawardhana, 2013) caused due to
the gravitational e,ects of the exoplanet over the host star. Similar to the transmission spec-
trum, one can also obtain an emission spectrum by time-series spectrophotometry i.e., observ-
ing the exoplanet in di,erent photometric bands and measuring the eclipse depth to obtain a
fux ratio between planet and the star. (Ee planet-to-star fux contrast is maximum in infrared
wavelengths because the planet thermally emits at those wavelengths while the refection
contribution is only from the Wien tail of the stellar black body radiation at the planet's posi-
tion. Eerefore, for a beSer signal-to-noise ratio, observations must be done in infrared wave-

lengths. (Ee Spitzer space telescope was crucial for exoplanet characterization in the infrared
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even though it was not designed for such measurements. It helped in the very €rst measure-
ment of the secondary eclipse depth of Osiris (Deming et al., 2005) and later for TrES-1b (Char-
bonneau et al., 2005), providing an estimate of their surface brightness temperature. Knutson
et al. (2008) used Spitzer broadband emission spectra of Osiris and hinted at the presence of
an inverted temperature pro€le with the probability of detecting water vapor in emissions.
Observations in infrared o,er the possibility of probing the neutral atmosphere and exploring
the vertical thermal structure. Majeau, Agol, and Cowan (2012) obtained a two-dimensional
infrared map of HD189733b. In order to observe a secondary eclipse, the exoplanet orbit must
be coplanar to the line of sight but for phase curve observation, an exoplanet does not need
to be transiting. Information on atmospheric atomic of molecular emissions can be obtained
by spectroscopically studying the phase curve, while its modulation amplitude can provide
the global temperature structure as it gives an indication of day-night circulation. Stevenson
et al. (2014) mapped the thermal structure of the hot Jupiter WASP-43b by observing the ther-
mal emission spectroscopy as a function of its orbital phase using HST, and later with Spitzer
Stevenson et al. (2017) they were able to map the water vapor features around the planet.

For the record, another technique for studying an emission or ref ection from an exoplanet
is through high dispersion spectroscopy. Eis technique exploits the fact that the Doppler-
shi%oed planetary signal changes on the order of many kilometers per second during the ob-
servations in the stellar restframe. By e,ectively separating the planetary signal from the
stellar one, molecular absorption features can be extracted through cross-correlation of the
spectra with theoretical models on exoplanetary atmospheres (Brogi et al., 2012; Brogi et al.,
2018). Although, itis quite discult to get a positive exoplanetary Doppler feature in ref ection
because of the very low planet-to-star fux contrast at optical wavelengths, still it has been
tried and might be achievable with future instruments. | will not make use of this technique
in my work.

In summary, the fux emiSed from the exoplanet's bright side consists of two components,
one is the refection of the stellar fux and the other is its intrinsic emission which depends
on its surface or atmospheric temperature. While optical secondary eclipse and phase curve
measurements help in constraining the geometric albedo of the exoplanet, the measurement

of the exoplanetary fux in the infrared constrains the vertical temperature pro€le of the at-
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mosphere, provides molecular absorption strength of volatiles like water vapour and provides

an estimate of the brightness temperature of the exoplanet.

1.4 Continuum spectral features of an exoplanet atmo-

sphere

1.4.1 Atmospheric scattering

(Ee most e,ective way to measure the mass of an exoplanet is by using the radial velocity
technique. Wit and Seager (2013) explained a di,erent but an observationally expensive ap-
proach to independently constrain the mass through transmission spectroscopy. An important
characteristic of this methodology is the subtle detection of Rayleigh scaSering in the atmo-
sphere of the exoplanet. Ee phenomenon of Rayleigh scaSering originates because extended
particles of size smaller than the wavelength of light produce elastic scaSering of the stel-
lar radiations passing through the exoplanetary atmosphere (see €gure 1.3). (Ee size of the

scaSering particle is 0%o0en parametrized by the ratio

d
X= — (1.3)
where d is the characteristic length of the scaSerer. Ee amplitude of light scaSered from
within any transparent dielectric is proportional to the inverse square of its wavelength and
directly proportional to the volume of the material. In particular, the scaSering cross-section

for a sphere of diameted is given by

25d n2 1 °?
ST 3 4 pz42

Hence, shorter or bluer wavelengths are scaSered more strongly than longer or redder wave-

(1.4)

lengths. While n is de€ned as the fraction of light scaSered per meter of light travelling
through a di,used gas of density "n" at some particular atmospheric temperature and pres-
sure conditions.

In particle light interaction, Rayleigh scaSering falls into the regime where the particle

size is very small, i.e the average diameter of the scaSering particles being less than a tenth
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Figure 1.3: Top: If the sky has a clear, upward-extended, hydrogen-dominated atmosphere,
Rayleigh scaSering disperses a large portion of the blue light from the atmosphere of the host
while it scaSers less of the red light. As a result, a transit in blue light becomes deeper than
the one in red light. Middle: If the sky has a less extended, water-rich atmosphere, the e,ect
of the Rayleigh scaSering is much weaker than in a hydrogen-dominated atmosphere. In this
case, transits in all colors have almost the same transit depths. BoSom: If the sky has extensive
clouds, most of the light cannot be transmiSed through the atmosphere, even though hydrogen

dominates it. As a result, transits in all colors have almost the same transit depths. (Credit:

NAOJ)

of the wavelength. (Ee particle absorbs the incident radiations and re-radiates isotropically

and in the same phase and wavelength, i.e. it is an elastic scaSering. Conversely, for larger
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particles interference e,ects develop through phase variations over the particle surface, and
consequently scaSering is anisotropic in the sense that it favors the forward direction and is
independent of the wavelength of light. (Ee greater the particle size, the more of the light
is scaSered in the forward direction. (Eis is the more general solution to the scaSering of
electromagnetic radiation by a homogeneous sphere and is called Mie ScaSering. Eerefore,
depending upon the size of the atmospheric particles, light scaSering can occur by either of the
two phenomena. Ee former follows an inverse fourth power law of elastic scaSering while
the later is inelastic scaSering with no wavelength dependence.

In the atmospheres of exoplanets, the transition in particle size is continuous with the
depth of the atmospheres due to gravity. (Eus, large particles like hazes, microscopic water
droplets and aerosols are more abundant in the lower layers of the atmospheres, while lighter
and smaller molecules are abundant in the upper atmosphere. Eis is why Rayleigh scaSer-
ing is dominant in the upper atmosphere. Spectral signatures of Rayleigh scaSering has been
reported for a few exoplanets such as the hot Jupiter HD187933b (Des Etangs et al., 2008) and
the Warm Neptune GJ3470b (Nascimbeni et al., 2013). In other cases, the presence of clouds
or hazes in the upper atmosphere blocks the scaSering feature, resulting in a fat transmission
spectrum as observed in the super-Earth GJ1214 (Nascimbeni et al., 2015). Given the known
dominant scaSerer, measurements of Rayleigh scaSering slope helps in constraining the tem-
perature, pressure, and mean density of the upper atmospheric layers around the day-night

separator(Wit and Seager, 2013; Seager, 2010).

1.4.2 Refection and termal emission spectrum

As mentioned before, a secondary eclipse depth is a measure of the fux incoming from the
exoplanet's dayside. (Eis fux is a combination of the re fected light from the star and the ther-
mal emission fux of the exoplanet. As the refected fux from the exoplanet corresponds to
the equivalent fux of the host star, the majority of this fux falls in the visible spectrum, while
the thermally emiSed fux corresponds to the equivalent blackbody fux at the exoplanet's
temperature. (Eerefore, the blackbody temperature being cooler, the majority of the emission
fux falls in the infrared. (Ee parameter derived from refected fux measurements is the geo-

metric albedo which de€nes the refectivity of the exoplanet, while the thermal emission gives
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the temperature of the visible hemisphere of the planetary atmosphere. (Ee refection com-
ponent is dominant at bluer wavelengths while the thermal component dominates towards
redder wavelengths. (Eerefore, the degeneracy of refection and emission in the secondary
eclipse depth measurement can be disentangled by studying the eclipse depth at di,erent
wavelengths. Eis will help in puSing constraints on the combination of the geometric albedo

and the average day-side temperature ((Santerne et al., 2011)).

1.4.3 Source of error: Stellar Activity

Stellar activity is the unavoidable source of astrophysical uncertainty in the measurement of
transit or eclipse depth. Star spots or faculae modulate the stellar fux primarily due to stel-
lar rotation and also due to their evolution and a consequent change in the stellar surface
structures (Pagano, 2010). Variability caused by spots and/or faculae can a,ect the measure-
ments of exoplanetary transit depths(Czesla et al., 2009). In case of spot dominated activity,
the transmission spectrum might get a,ected by unocculted starspots during the exoplane-
tary transit. If the star contains spots away from the transit belt, then the fractional stellar
light blocked by the transiting planet is higher and the measured transit depth will be larger
than expected (Pont et al., 2013). (Eis e,ect is larger at bluer wavelengths, where the spot-to-
photosphere contrast is larger, and decreases at longer wavelengths. (Ee net result is that the
apparent size of the planet increases with decreasing wavelength, thus mimicking the e,ect
of the Rayleigh scaSering. Conversely, the e,ect of faculae not intercepted by the transiting
planet is opposite, resulting in a positive slope in the transmission spectrum from bluer to
redder wavelengths. (Eis shows that the slope of the transmission spectrum may be a,ected
by stellar activity. While Rayleigh scaSering follows the inverse fourth power law, the stellar
activity e,ect depend on the con€guration of active regions. Hence, given the observed slope
of the transmission spectrum, one can €gure out the contribution due to stellar activity by
subtracting the theoretical Rayleigh ScaSering spectrum.

When the planet transits over starspots (or faculae) on the stellar surface, there is an in-
crease (or decrease) of the fux received from the star because a darker (or brighter) regions
are occulted. Hence, there is an apparent re-brightening (or dimming) during the transit cor-

responding to these active regions(Scandariato et al., 2017). (Eese are called transit anomalies
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and by studying them, we can obtain information on the physical properties of the crossed
active region. Usually transit anomalies are masked out in the analysis of transit light curves,

hence they do not introduce any chromatic e,ect on the transmission spectrum.

1.5 Spectral information using high-precision photome-

try

(Ee main motivation to the thesis is to study exoplanet atmospheres and its signatures in ob-
servations. (Ee atmospheric signatures are wavelength dependent and therefore, they can be
best studied through spectroscopic observations. At the same time the light signals from inter-
esting targets cannot always be bright enough to perform spectroscopic observations, as the
incoming light is further distributed across the wavelength thereby decreasing the intensity.
Spectrophotometry is ideal to study spectral signatures of faint objects as it is independent col-
lection of lights in each wavelength bands. Studying exoplanets in di,erent wavelength bands
provides us the oppurtunity to study its spectral signatures which is to our understanding is
due to the presence of atmospheric enveloves in transiting exoplanets. Moreover, activity of
the host star also incorporates certain spectral signatures which gets blended in the planetary
spectral signatures and therefore they are treated as sources of error. In this section, | describe
the two methods of observations Spectrophotoetry and SpecklePhotometry with the aim of

studying exoplanetary spectral signatures.

1.5.1 Spectrophotometry

If the exoplanet has an atmospheric envelope, then the transit depth measured in di,erent
pass-bands ought to di,er from each other due to di,erential scaSering and absorption through
the planetary atmosphere. At the same time, stellar magnetic activity produces some chro-
matic e,ects which can be mistaken as planetary atmospheric signals.

(Ee size of the atmospheric envelope is less than 1% of the radius of the exoplanet for Hot
Jupiters and even less for Super-Earths. Eerefore, to measure such small di,erences in the

apparent radius at di,erent wavelengths, we need to detect the even smaller di,erence in the
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transit depths across the wavelength spectrum. Spectrophotometry is basically performing
light curve photometry os a particular source in small wavelength bands independently and
simultaneously. In this respect, Spectrophotometry can be di,erentiated from low-resolution
Spectroscopy because the incoming radiation is not split across the wavelength. Although
spectrophotometry can be perform from the ground for example using the Large Binocular
Telescope (LBT), still it is quite diecult to obtain the required 10 to 100 ppm levels of pre-
cision due to limitations from the ground. Firstly, weather variability (e.g. telluric contami-
nation, seeing) and instrumental issues (e.g. telescope focusing, thermo-mechanical instabili-
ties of the instrument) introduce noise in the time series of observations on hourly and daily
timescales. Secondly, a target cannot be monitored continuously for timespans longer than
the astronomical night, and it is 0%oen discult to schedule transits or occultations to €t within

a given night. (Eerefore, for high precision measurements, space-borne instruments are far
more convenient than ground-based instruments. Ee best instrument for space-borne low
resolution spectroscopy is going to be the James Webb Space Telescope (JWST), which is sen-
sitive to the infrared part of the spectrum. In the visible side of the spectrum, the two main
space-borne ultra-high precision telescopes dedicated for exoplanet studies will the soon to be
launched ESA's CHEOPS telescope and the PLATO mission, the laSer scheduled to be launched
in 2026. Both operate in the optical and therefore are optimal for simultaneous observations
coupled with JWST for atmospheric characterization of exoplanets. On top of that, there is
another space-based instrument for spectroscopic study of transiting exoplanets, namely the
Atmospheric Remote-sensing Infrared Exoplanet Large-survey (ARIEL) telescope, which is
going to be launched in 2028. Unlike JWST, the ARIEL telescope is a dedicated mission for
studying transiting exoplanet atmospheres. Hence, there will be great opportunities for Spec-

trophotometric synergies among these space-borne telescopes.

1.5.2 Single band photometry: Speckle photometry

A speckle paSern is an intensity paSern produced by the mutual interference of a set of wave-
fronts. In this respect, Specklephotometry is de€ned as the study of these speckle paSerns and
its evolution in a photometric observation of a source. (Ee idea is to extract out the underlying

spectral information which produce those speckle paSerns.
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Figure 1.4: A perfect PSF of an imaging system is supposed to be an airy disc paSern. Ee
size of the fringe paSers is wavelength dependent with longer (redder) wavelength of light

generating broader fringes and vice-versa (Credits: Trantham and Reece (2015))

Di,raction e,ects through an optical system is a phenomenon in which light interferes
and spreads out generating complex paSerns of fringes on the focal plane. Ee smallest fringes
determine the €nest details that can originate in an image. (Eeir spatial frequency is related to
the aperture of the optical system. Moreover the spatial frequency and width of the fringes are
also related to the wavelength of light. Shorter wavelengths create a larger phase di,erence
for the same absolute distance, thus giving rise to narrower and compact fringes. Conversely,
longer wavelengths generate broader and dispersed fringes.

Ee diraction paSern generated by a point source is called Point Spread Function (PSF),
it thus describes the response of an imaging system for a point source (at the x-y focal plane).
Ee PSF shape of an ideal circular imaging system is an airy disc paSern with a bright spot
at the center followed by the dark and bright concentric annuli (1.4). lis the wavelength
of light and D being the diameter of the aperture of the telescope, then the diameter of the
brightest spot equals t:22=D . (Ee airy disc paSern is formed at the focal plane (x-y plane)
perpendicular to the line of sight. While most of the light is within an hourglass-shaped light
cone with the narrow neck at the focus (see: 1.5). (Ee width of the main peak is set by the
extreme pair of wavelets at the rim of the objective lens. (Ee spread of the brightest fringe in
the x-z direction around the focus is equal tm =D 2, where n is the refractive index of the
medium. Ee wavelength dependence is shown in the €gure 1.5

(Ee CHaracterising ExOPlanet Satellite (CHEOPS) is a joint ESA-Switzerland space mis-
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Figure 1.5: (Ee hourglass shape of the light cone for shorter (up) and longer (down) wave-

lengths (Credits: Je, lichtman)

sion dedicated to search exoplanet transit by means of ultra-high precision photometry. Ee
CHEOPS optical design is based on a Ritchey-Chretien style telescope with the 300 nm e,ec-
tive aperture diameter which provides a defocused image of the target star. (Ee out-of-focus
design is intended to produce a relatively wide PSF at the detector plane. (Ee width of the PSF
is a trade-o, between the reduction of the noise in the stellar photometry (pushing to larger
PSFs) and the increased susceptibility to straylight which a larger stellar image generates. We
investigated the possibility to derive spectral information independently from CHEOPS ob-
servations only. Above and below the focal plane, the defocused PSF is a projection of the
hourglass cone onto the x-y plane which creates speckle features. As the distribution of the
speckles of the PSF is a chromatic e,ect, if the PSF structures are known for di,erent wave-
length, itis possible to extract out the spectral information of the source within the photomet-

ric pass-band of the telescope.
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1.6 fisthesis

| present a brief overview of this entire thesis. In chapter 2, | display a very brief overview

of the theory of Transit Photometry and Transmission Spectroscopy and explained the as-
pects of exoplanetary atmosphere characterization. In chapter 3, | applied the method of multi
wavelength transit photometry in atmospheric characterization and explained the e,ects of
stellar activity on the transmission spectrum. | also showcased the possibility of utilizing the
synergies between the several upcoming space telescopes in the atmospheric characterization
exoplanets. In chapter 4, | explain the methodology of Speckle-photometry which describes
the extraction of spectral informations from within a single-band photometric observations.
(Ee prime example of this method's applicability is shown for the CHEOPS space telescope. In
chapter 5, | showcase a list of Kepler and K2 Ultra-short period exoplanets which shows some
signi€cant secondary eclipse depth. Further, | computed the geometric albedo and the average
day-side temperatures and in some cases discovered hints of night-side emissions. Finally |

conclude my thesis in the last chapter.
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Chapter 2

Exoplanetary atmosphere
characterization from Transmission

Spectra

2.1 Introduction

Transiting exoplanets are those whose orbital orientation is along the plane of sight and there-
fore it sometimes passes directly in front of the host star as viewed from the Earth. When an
exoplanet passes in front of its host star it blocks some of the star-light proportional to the
ratio of their projected area. (Eis is observed as a dip in the photometric light curve of the
star. By studying this dip and its periodic variations, we can determine the physical and the
orbital properties of the planet such as orbital period, distance from the star, orbital inclina-
tion, planetary radius and planetary mass and fux depending upon the instrument precision.
(Eis method is sensitive to only close-in short period exoplanets because the closer the planet
is to the host star the higher is the transit probability. At the same time some starlight also
passes thought the optically thin part of the planetary atmosphere. (Ee light gets absorbed
or scaSered away due by atmospheric interactions thereby increasing the e,ective projected
area of the planet. Broadband or low resolution transmission spectrum can provide enormous

information like the atmospheric composition, clouds or haze presence, thermal pro€les of
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upper atmosphere, wind dynamics, atmospheric escapes and photo-chemistry.

Planets in circular orbits that go in front of the star also go behind the star. Just before
and a%oer occultation behind the star, the planet's brightness is the maximum and we observe
the combined light of the planet and the star. When it is completely behind the star, the
light curve consist of only the stellar fux. On subtracting the two fux observations, we can
determine the secondary eclipse depth which provides a measure of the fux from the planet
alone. (Ee principal source of planetary brightness in the optical is the refected light and thus
their visibility is intensely dependent on their separation from the parent star. (Ee planet to
stat brightness ratio is in the order df0 ° for Jupiter size planets around a Sun like star at 0.1
AU separation.

In this section, | will explain the features we see in a stellar light curve, how the detection
of the exoplanet is made and how the stellar variabilities are removed to ultimately obtain the

transit and the phase curve.

2.2 Transit Photometry

2.3 Stellar variability removal

What we observe in a telescope is dramatically di,erent from what we ideally expect. Eis is
because a number of factors incorporates additional types of noise onto the stellar signal. Eese
includes instrumental systematics, atmospheric air mass variations in the case of ground based
telescopes and jiSers in the case of space based observatories. Eerefore, before performing
any scienti€c analysis, the noise has to be dealt €rst through data reduction pipelines. (Ee
corrected light curves from these pipelines conveys the actual stellar signal with some uncer-
tainties which are collectively quanti€ed as photometric noise. Despite some general princi-
ples, each telescope has its peculiarities that need to be taken into account in order to extract
as much signal as possible and characterize its uncertainty and SNR.

As an example, the corrected light curve of K2-141 from the K2 pipeline is show in €gure
2.1. (Ee observations span across 80 days with a loss of 5.3 days in the middle. (Ee noticeable

features are the bi-modal periodic variation with varying amplitude and amidst that there are
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Figure 2.1: Corrected light curve of K2-141 from the K2 reduction pipeline

the short period planetary transits (dots under the continuum). Ee long period variations
are aSributed to Stellar rotation and the subtle changes in its shape and amplitude can be
accredited to stellar activity due to evolution of surface structures such as star spots, faculae,
granulation and non-radial oscillations.

Under high precision photometry of a star, we can investigate every tiny bit of change
in the stellar fux. Most of the long period variability is aSributed to its rotation and surface
structure evolutions i.e., activity. Stellar variabilities are removed with stochastic methods like
Gaussian process upto extreme precisions by treating them as correlated noisesAigrain et al.,
2011. For our work we applied the sliding linear €Sing (Sanchis-Ojeda et al., 2013) or third
order spline €Sing whose results are similar and faster than the Gaussian Processes result. Ee
only disadvantage of this €Itering is that it needs prior ephemerides of the exoplanet transits.
Once the stellar fux is detrended o, its variability, the residual changes is almost entirely
aSributed to the planetary motion in its orbit unless there are false positive signals such as

eclipsing binaries etc.

2.4 Exoplanet detection

Next step is to search for the planetary transit signals which are small periodic dips and provide
a rough estimate on the period of the planetary signals. Eis is done by using the Box-€Sed
Least Square (BLS) method (kKag, Zucker, and Mazeh, 2002). BLS is an optimization algo-

rithm that is used to detect the transit signals within the light curve of a star. It searches for
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small repetitive dips in the faSened light curve by using a step function with varying width
and period which are kept as free parameters. (Eese algorithm uses a grid of parameters like
the epoch of €rst transit, transit duration, orbital period and the depth of the strongest sig-
nals. (Eese are the outcomes of this BLS-€t along with a false alarm probability value which
guanti€es the signi€cance of detection. A higher false alarm probability means the signal is
lost into noise and cannot be claimed to be a transit signal. Once these parameters are known,
we can remove them from the faSened light curve and redo the BLS analysis again to search
for other planetary signals.

Generally, in single planet systems, it is diecult to claim that the transit signals are due to
an exoplanet. (Eerefore, it becomes important to look for possible radial velocity follow-ups
to declare with signi€cant certainty, which is quanti€ed by a False positive probability (FPP),
that the transit signal is due to a planetary transit(Rowe et al., 2014; Lissauer et al., 2014). (Ee
planetary transit signals for two separate planets revolving around the star K2-141 are shown
in the €gure %.Ee rough estimates on the orbital periods of K2-141 b and c¢ are found to be
6.7 hrs and 7.75 days respectively. (Eere are a total of 9 transits for K2-141 ¢ during the 80 day

baseline while one transit is lost in the safe mode.

2.5 Transit Analysis

2.5.1 Modelling

Once the BLS algorithm provides the period, duration and depth of a possible candidate, the full
light curve is then €Sed through analytical transit pro€le models to rede€ne the parameters
with proper precision and uncertainties. Ee full light curve includes the dominant periodic
transit dips, the phase variations and the secondary eclipse dips (if detectable) and the ellip-
soidal variation and doppler boosting due to the planetary tidal and gravitational e,ects on
the star (Lillo-Box et al., 2016).

Ee principal observable in the transit light curve is the transit depth which is of the order
of 1% depending upon the sizes of the star and the planet and the relative distance between

them. (Ee deepest transit depth recorded so faBiS%for HAT-P 6 (Noyes et al., 2008) while
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the shallowest is aroundim0:01%as compared to the stellar fux. Within the transit signal,
there are subtle features which are aSributed to the surface brightness structure of the star. Ee
intensity of the star is maximum at its center and gradually decreases towards the projected
limb. Eis is called Limb darkening and it is due to the combined e,ect of the optical depth
with the decrease in the stellar density and the temperature with the radius (Perryman, 2011).
Formulating the limb darkening is diecult and di,erent analytical models are used to predict

its feature and consequently the e,ect on the transit depth. It is typically denoted by cos,
where is then angle between the normal to the stellar surface and the line of sight to the
observer. (Ee best description of this e,ect which is widely used is the de€nition from Claret
and Bloemen (2011) in which the radial dependence on the speci€c intensity is approximated

by the fourth order Taylor series
I(N=1 i, ™) (2.1)

with I(0) = 1, and the co-escientsc; are dependent of e,ective temperature, surface gravity
and metalicity of the star. We used the quadratic law with the coeecierds= ¢c; = 0.

(Ee mathematical formulation of the transit light curve has been described by Mandel and
Agol (2002) in terms of the geometry of the overlapping circles. they develop an expression

for the ratio of obscured to unobscured fux, as

F(p:2=1  e(p;2) (2.2)

in terms ofp = R,=R, andz = d=R,, whereR, andR» are the planetary radius and the
stellar radius respectively while d is the projected distance between the star and the planet

centers. And thus the limb darkened light curve is given by
Z, 1Z o
Fe(p;2) = [ (r)2rdr | (r)drd[F(p‘(;’rz‘r]r )

0 0

Moreover, due to the limb darkening e,ects, the change in the transit depth is also wave-

(2.3)

length dependent. (Ee limb darkening e,ect increases towards shorter(bluer) wavelengths.
(Eerefore, wavelength dependeing of this intrinsic stellar e,ect should be incorporated in
the single transit models precisely to calculate the transit depths especially at di,erent wave-
lengths. For the study in Chapter 3, single transit events are considered and focus is predom-

inantly on the primary transit.
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(Ee occultation modeF. for the secondary eclipse is derived from the same principle of
the overlapping circles Mandel and Agol (2002), the only di,erence is that the planet is be-
hind the star and there is no decrease in stellar brightness. (Ee resultant eclipse dgptis(
kept as a free parameter which de€nes the resultant fux form the planet. Later the individual
components of this eclipse depthi.e., refectiog() and emissiongnerm ) are studied through
further paramterization of the geometric albedo associated with and the day-side aver-
age temperature associated withem . Ee signi€cance of geometric albedo is mostly in the
optical observations whereas during IR observations, the main interest of study is the associ-
ated spectral features of species emission and absorption which provides the vertical thermal
structure of the atmosphere.

(Ee out-of-transit modulationd=,, shows the combined fux variations due to both refec-
tion and emission. Both the e,ects are of highly signi€cant when the planet is extremely close
to the star and tidally locked resulting a permanent dayside and nightside. While the variation
due to planetary surface refection is linked with the phase angle, the variation due to the ther-
mal emission is associated with the thermal structure across the planet (day and night side).
(Ee variation in the optical is dominant with refection component and is best described by
Charbonneau et al. (2002) and Sobolev (1972). An amplitude of phase vadgtipis(de€ned
as a free parameter to quantify the fux variation with the phase angle. Both the occultation
and the phase modulation models are explained in Chapter 5

If the exoplanet is heavy and close to the star (i.e., HJs), it is going to impose signi€cant
gravitational and tidal forces on the star such that their e,ects are visible on the planetary
phase curve. Eese are additional modulations atop the phase variations and aSributed to the
change in stellar brightness. Doppler boosting is refer to the fuctuations in the stellar bright-
ness due to the keplerian motion of the star itself. While the Ellipsoidal variation indicates
periodic changes in the stellar brightness due to the periodic fuctuations of the star visible
surface area as the stellar tide created by the planet rotates the stellar shape in and out of view
of the observer. Both these e,ects can be modelled with a sinusoidal variation, oscillating at
the orbital period thereby generating 2 additional free parameters which represent the ampli-

tude of modulation for both e,ectsApg andAg,y . Eus the €nal high precision transit fux
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model is the combination of all the e,ects(Esteves, De Mooij, and Jayawardhana, 2013).

F(t)= Fy + Fec+ Fpn + FeLv + Fps (2.4)

2.5.2 Fitting

In most cases, a single primary transit pro€le is €Sed with the model describel,aywhich
provides the precise primary transit parameters especially the transit depth. In order to study
the secondary eclipse and phase variation, the entire transit light curve is parameterized with
the following model parameters: mid-transit timd{), Orbital period (P), transit and eclipse
duration (Tqy, )(CEey di,erent for elliptical orbits), orbital inclination (i), Planet to star radius
ratio (p), secondary eclipse depth{), amplitude of phase variation®\{, , Ag.v , Aps ). (Ee
model calculates the semi major axis by the formula:

(1 cog sin?)™

a=R, = 1+p

(2.5)

where, is the phase of the transit ingress given by= T 4, =P for circular orbits. Using

the semi-major axis, the projected distance between the stellar and planetary centers (z) is
computed as a function of time. (Ee phase function depends on the phase angle and the laSer
is related to the variation of z and hence with time. (Ee €nal model is then €Sed with the
data set(light curve) in time to perform the? minimization. To €nd the besit-€t models
along with the parameter uncertainty distribution, a Bayesian approach is followed using the
Markov Chain Monte Carlo version of the genetic algorithm Di,erential evolution (Eastman

et al., 2019; Ter Braak, 2006).

2.6 Transmission Spectroscopy

Transiting planets give us a remarkable opportunity to make empirical measurements of the
properties of their atmospheres. Transmission spectroscopy is the study of radiation from a
star as a function of wavelengths as it passes through the atmosphere of a transiting planet.

During a transit, some light from the star will pass through the atmosphere of the planet on
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Figure 2.2: Transmission Spectroscopy: measurement of transit depths at di,erent wave-

lengths. Credits: GMOS exoplanet survey
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its way towards the observer, and as a results a part of the light gets absorbed or scaSered
due to the interaction with the constituents of the atmospheres. Light at di,erent wavelength
interacts di,erently therefore a planet can appear larger when observed in one wavelength-
band than the other due to varying atmospheric absorption. (Eis wavelength dependent transit
depth is called Transmission Spectrum. Figure 2.2 shows a schematic diagram of a transiting
planet with an atmospheric envelope. (Eis technique allows us measure the composition and
the physical properties of the exoplanet atmosphere such as temperature, pressure and probe
its atomic and molecular constituents, etc.
Detecting the wavelength-dependence changes in the transit depth which is already a

1%signal is a daunting task. Light can be separated according to their wavelengths either by
using €lters that transmit only light of a speci€c wavelength range, or more commonly using a
spectrograph to record the observed spectrum as a function of time. It is a challenge to obtain

well resolved transmission spectrum because the photon-counting signal to noise ratio(SNR) is

reduced compared to broad-band light curve by a factor of ab%tﬁpectral resolutiotdence,

only sueciently bright stars have been studied so far to detect particularly strong spectral fea-
tures in the transit of its exoplanets. Moreover, the transit light curves observed on Earth are
0%o0en dominated by systematic errors arising from the imperfect corrections of the tellurics.
Eerefore, with beSer SNR, spectroscopic observations of exoplanet transits from space ob-
servatories is much more practical. Adding to that Transmission spectroscopy is sensitive to

exoplanets with very low pressure pu,y atmosphere with minimum or no cloud cover.

2.6.1 feory

Assuming the lowest radius of the planet at all wavelength of interestRys, the e,ective

radius of the planet at di,erent wavelength() can be presented as:
R?()= [Ro+2( ) (2.6)

where, z() is the height of the annular translucent atmosphere above the opaque circular disc
of radiusRy. Ee maximum distance that the radiation can travel along the slant geometry of
the atmosphere above the reference planet radvysis the Chord length. From the schematics

of €gure 2.3, the chord length x follows the relation:
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Figure 2.3: (Ee translucent annular atmosphere of the exoplanetary visible disc. Credits: David

Sing

[Rp + z( )]? = R + x? (2.7)

Since the radius of the planet is orders of magnitude larger than the height of the atmo-
sphere, therefore, under the €rst order approximati®y >> z , the relation between the

chord length and the atmospheric height is:

X2
Z= — 2.8
o (2.8)

Now, considering the e,ective area of the annular atmosphere as A, the amount of stellar
fux blocked by the transiting exoplanet is proportional to the ratio of the area of the projected
circular discs of the planet with that of the star.

2
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As the starlight passes through the annular region, some radiation is absorbed while the

rest is transmiSed towards the Earth. (Ee absorptive area of the atmosphere from the the

reference planet radius to the top of the atmosphere is given by:
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Zl
A= @ T)2r dr’ (2.10)

Rpi
where, T is the transmiSance i.e., the fraction of the radiation transmiSed through the
layer of the atmosphere. Following Beer-Lambert's law, it is expressed asexp , where

is the optical depth integrated along the slant geometry is given as:
Z 1

= i (X)n;dx (2.11)
1

where, i( ) is the cross-section of the absorbing species which is wavelength dependent,
while n; is the number density of the species which is related to the total number density
through their respective abundances as= n.

(Ee number density of the species drops with increasing radial height z. At low pressures,
itis reasonable to approximate an isothermal atmosphere in hydrostatic equilibrium, therefore
the pressure varies asp  gz. And assuming the atmospheric species as ideal gases, the

number density varies as:

n(z) = ngexp( z=H) (2.12)

where,ng = P(z = 0)=(kyT), Ky, being the the Stefan-Boltzmann constant while T is the
isothermal atmospheric temperature along the day-night separator. H is known as the scale

height of the atmosphere, which is de€ned as:

H = kb?T (2.13)

where, is the e,ective mean molecular mass of the atmosphere and g being the sur-
face gravity as it was assumed to be constant throughout the height of the atmosphere under
the hydrostatic equilibrium approximation. (Eerefore, from equations 2.11, 2.12 and 2.8, the
optical depth at the reference pressupg is

z 1
— Po 2_
o= i () T exp[ x“=(2RyH)]dx (2.14)
1 b
Solving equation 2.14 gives the slant path optical depth and because of its dependence

on the number density, it follows the same exponentially decreasing variation with altitude
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Figure 2.4: Variation ofeq with the ratio the planetary radius and its atmospheric scale height.
(Des Etangs et al., 2008)

(;z)= oexp[ z=H].
( )PoP
k,T

Again coming back to the equation 2.10, we can represent the radial distance parameter

0= 2R H (2.15)

r'= Rp + zin terms of the slant path optical depth

r'=Ry Hln =, (2.16)

Substituting 2.16 in 2.10 we get the solution to the area of the annular atmosphere

A=2HR 4[Ei+ +In o (2.17)

where
' Z
°1 e

E,= In o+ d (2.18)

0
and is the Euler-Masceroni constant (Chandrasekhar, 1960} 0:577. In the limit of

in€nite optical depth tends to in€nityE, tends to O.
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Now, we de€ne a quantity¢q as an equivalent optical depth at altitudg, such that an
opaque disc of radiuRy + z¢q produces the same transit depth as the planet of radr}s
with a translucent layer of atmosphere. From equation 2.17 fop> 1, = e = 0:56.
In other words, the e,ective radius of the planeR = Ry + z( = ¢g). Figure 2.4 shows
the numerically integrated variation of optical thicknesg, for a wide range of planet scale
height and radius ratio (Des Etangs et al., 2008). Consequently, the height of the atmosphere

can be represented as:

I:)2:0 ( )q
eq
(Ee e,ective planetary radius is calculated through numerical integration of atmospheric

z( )=HlIn (2R p)=(koT 9) (2.19)

models over the layers of the translucent atmosphere. (Eese models use the abundance and
opacity of the presumed atmospheric species to calculate the theoretical absorption depth over
a grid of pressure and temperature space. Such theoretical planetary transmission spectra are
later €Sed with the observations of transit depth at di,erent wavelengths. (Ee parameter
is dominated by the abundance of the main absorbent which in most hot Jupiters with solar
abundances is thél, since y, 1. Since, the abundance and reference pressure appears
as a product in 2.19, a combination of the two parameters leads to the same €t when the
transmission spectra is €Sed with the observations. And furthermore using 2.7 and 2.19, the
reference transit radius and the reference pressure can be absorbed into a constant while €Sing
with the observed data. Eis leads to a degeneracy between the three paraniegePs and

. Hence, absolute pressure and abundances cannot be simultaneously estimated. Rayleigh

scaSering and pressure broadening can help in determining abundance ratios among species.

2.6.2 Observables: Rayleigh Scattering

One of the most important phenomenon of particle-light interaction is Rayleigh ScaSering.
Extended particles of size smaller than a tenth of the wavelength produces elastic scaSering
of the stellar radiation passing through the planetary atmosphere. e amount of scaSering is
inversely proportional to the fourth power of the wavelength. A blue light is scaSered more

than ared light. Eis is the reason why the Earth's sky appears blue in daylight and reddish in
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twilight. As a result, when a transit is observed in bluer bands, less light is transmiSed through
the atmosphere and the exoplanet appears larger than when observed in redder bands.

If we know the variation of the cross-section of the dominant scaSerer with the wavelength
then from 2.19, we can de€ne the atmospheric scale height(H) from the observation of the

altitude variation with wavelength.

_dz() din( () *
T od d( )

Assuming a scaling law for the cross-sectiort ) = (= o) , the slope of the slope

H

(2.20)

of the planet radius as a function of the wavelength is basicaly . For Rayleigh scaSering

= 4. (Ee scale height can then be used to determine the isothermal temperature along
the day-night separator. this shows that if there is Rayleigh ScaSering, then expect to observe
negative slope with a few absorption lines in the optical bands of the transmission spectrum.
Since the majority of the absorption bands falls in the infrared region. (Ee fat spectrum would
suggest a cloud cover which basically truncates the transmission spectrum until the top of the
cloud deck thereby making the atmosphere opaque to light transmission. (Ee lowest point in
the transmission spectrum identi€es the topmost point of the cloud deck in the atmosphere.

Ee wavelength dependence of Rayleigh scaSering in the exoplanet's atmosphere produces

a negative spectral slope in the transmission spectrum. (Ee magnitude of the spectral slope
depends on the scale height of the atmosphere relative to the radius of the plan&;jihe
composition of the atmosphere for the particle size has to be much smaller than the wave-
length, and the spectrum of the host star which e,ectively "weighs" the intensity of the light

in di,erent wavelength.

2.6.3 Observables: Atomic and Molecular absorption

(Ee most expected observables of the transmission spectrum are the absorption features cre-
ated by the composition of the exoplanetary atmospheres. Ee atmospheric composition evolves
with the age of the stellar system. (Ee primordial atmosphere of exoplanets begin with the
gaseous composition of the protoplanetary nebula it¢,, and He and traces of heavy ele-

ments, and evolve further with the thermal evolution of the exoplanet. (Ee primary absorp-
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Figure 2.5: Best €t theoretical transmission spectrum of WASP-17b spanning over the UV,

optical until the far infrared spectrum. Credits: CREATES database. D. Sing

tion band ofH,-He dominated atmosphere is around 1.1-118. If the atmosphere is made

of heavier elements, then it is probably evolved with temperature into the secondary atmo-
spheres. Gradually, as the temperature decrease, the individual elements combine to form a
few dominant molecules. Eis molecular volatiles further condenses to form clouds. In the
atmospheres of hot Jupiters, key species suchda®, CO,CH,4,NH3 do not condense and

a transmission spectrum in the infrared could provide a measure of their abundances. For
warmer exoplanets, the composition is described by chemical equilibrium and thus the spec-
trum shows a cumulative absorptions features due to their comparable abundances. In the
visible, the main observables are the alkali metal lines of Na, Li, K which has been observed in
Hot Jupiters like HD189733b, WASP-39b, HAT-P-12b, etc. (Sing et al., 2016). Apart from that,
Apart from alkali metals, TiO, VO, SiO should also show strong signals, although only TiO has

been observed until now.(Sedaghati et al., 2017).
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2.6.4 Observables: Clouds and Hazes

We have studied the atmospheres of all the planets in our solar system and the one thing
which is common in all is clouds or haze features. Clouds are de€ned as masses of liquid and
solid suspended in the planetary atmospheres, thereby their presence implies condensation
of atmospheric gases. Cloud formation is intricately linked to the atmospheric dynamics and
temperature. Cloud formation is the result of either atmospheric condensation chemistry or
photochemical processes. (Ee atmospheric temperature of the hot Jupiters or the ultra-short
periods is close to the condensation temperatures of several abundant components, including
silicates and iron. While cooler exo-planets are supposed to have sulphur-bearing compounds
condensates. Hazes are de€ned as small particles suspended in the atmosphere that are opaque
and hence absorbs or scaSers most of the radiations thereby contributing to the color. Ee size
distribution od clouds or haze particles determines the magnitude of absorption of incoming
radiation. Moreover, particle size also determines the magnitude and direction of scaSering,
since larger particles are liable to forward scaSering. Some clouds are highly refective and
therefore they contribute to high albedos, on the other hand, some are highly absorptive and
transfers extensively the energy through the planetary atmosphere. Atmospheric models sug-
gest that the presence of condensates weakens the spectral features or mask some of them
depending upon the altitude of the cloud deck. Flat transmission spectrums could be the re-
sults of the presence of high altitude grey clouds or hazes which blocks almost all the spectral
features as in the case of Super-Earth GJ1214 b (Kreidberg et al., 2014) and Hot Jupiter HD
189733b in which the Rayleigh ScaSering slope is faSened out in the optical (Sing et al., 2011).
In short, clouds are important since they contribute to the atmospheric chemistry, advection
and radiation transport thereby maintaining the energy balance of the atmospheres but their
e,ect on the transmission spectrum is mostly obstructive by hiding the underlying atmosphere

and weakening the emergent spectral features. (Seager, 2010)
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Chapter 3

Synergetic Photometry of Hot Jupiters

using Future Telescopes

3.1 Introduction

HD 209458b is the €rst exoplanet ever discovered with the transit method (Charbonneau et
al., 2000). A%oer that, the number of known transiting planets has increased especially due to
dedicated space missions, such as CoRoT (Baglin et al., 2006) and Kepler (Borucki et al., 2010),
and the pace is going to undergo a speed up thanks to TESS (Ricker et al., 2016) and PLATO
(Rauer et al., 2014). Ee transit technique favors large planets (whose size is similar to Jupiter)
in close-in orbits, because the probability of having a planetary transit over the stellar disk
increases with increasing planetary radius and decreasing orbital distance (Haswell, 2010).
For this reason, most of the transiting planets are characterized by short semi-major axis and,
by consequence, high stellar irradiation. (Eis is why these planets are usually called as Hot
Jupiters (HJs).

In the last years, these planets started to be characterized in terms of atmospheric com-
position. For example, some studies have been able to detect the absorption signal of atomic
lines such as neutral Na and K (e.g. Lendl et al., 2017) or molecular bands such as water and
CO (e.g. Brogi et al., 2016) in the atmospheres of HJs.

While spectroscopy is useful for the chemical characterization of the atmospheres, broad-

band photometry is helpful in the investigation of continuum e,ects, e.g. Rayleigh scaSering.
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For example, Nascimbeni et al. (2013) observed the transit of the hot-Neptune GJ4370b simul-
taneously in the U and R photometric bands, measuring a transit depth di,erence ascribed to
Rayleigh scaSering through a hazy atmosphere.

In this work we investigate the possibility to carry on an observational program aimed at
gathering simultaneous transit light curves using the latest space telescopes. As a maSer of
fact, with the new class of space telescopes and theirimproved photometric capabilities, it will
be possible to characterize the atmospheres of extrasolar planets with beSer precision using
broad band photometry. Contamination by the Earth's atmospheres will be much reduced, for
the bene€t of the accuracy of the measurements which, moreover, can be easily extended to
the infrared part of the spectrum. Finally, this kind of studies can be extended to fainter and
dimmer stars, and to smaller exoplanets, thus increasing the size of the sample of exoplanets
with atmospheric characterization.

In this chapter, we analyze the synergies between di,erent present and future space tele-
scopes. In particular, we focus on the possibility to detect di,erences in the photometric transit
depth when the transits are observed using di,erent passbands. (Ee telescopes we take into ac-
count are the CHaracterising ExOPlanet Satellite (CHEOPS, Fortier et al., 2014), the Transiting
Exoplanet Survey Satellite (TESS) and the PLAnetary Transits and Oscillation of stars telescope
(PLATO), which are speci€cally designed for the detection and characterization of exoplanets
using the transit technique. We also include the James Webb Space Telescope (JWST, Gardner
et al., 2006), whose Near-Infrared Camera (NIRCAM, Horner, Rieke, and Team, 2003) o,ers
the possibility to perform photometric observations in the RIJH spectral interval. (Ee full list
of telescopes and passbands is reported is Table 3.1, the corresponding passbands are shown

in Fig. 3.1 together with the transmission spectrum of the HJ WASP-17b (Sing et al., 2016).

3.2 Computation of synthetic photometry

For our analysis we use the spectral library of the \Comparing the Range of Exoplanet At-
mospheres with Transmission and Emission Spectra" (CREATES) praiget representative

collection of the di,erent atmospheres of the HJs known so far. (Ee list of HJs and the corre-

Ihttps://pages.jh.edu/ dsing3/David _Sing/Spectral _Library.html
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e,ective wavelengths  and full width at half maximum FWHM.

Table 3.1: Instruments (and €Iters for WFC3@HST and NIRCAM@JWST) with corresponding

Instrument Filter e FWHM
(m  (m)
WFC3@HST F336W 0.336  0.055
CHEOPS | 0.646 0.422
TESS | 0.798 0.400
PLATO | 0.700 0.369
NIRCAM@JWST FO70W 0.706 0.160
NIRCAM@JWST FO90W 0.904 0.210
NIRCAM@JWST F115W 1.157 0.268
NIRCAM@JWST F140M 1.406 0.148
NIRCAM@JWST F150W 1.504 0.337
NIRCAM@JWST F150W2+F162M 1.628 0.171
NIRCAM@JWST F150W2+F164N 1.645 0.018
NIRCAM@JWST F182M 1.847 0.246
NIRCAM@JWST F187N 1.874 0.021
NIRCAM@JWST F200W 1993 0472
NIRCAM@JWST F210M 2.096 0.209
NIRCAM@JWST F212N 2121 0.025
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Figure 3.1: Transmission spectrum of the HJ WASP-17b used in this work together with the
throughput of the instruments in Table 3.1. WFC3's F336W and JWST's wide passbands (the
ones with atrailing \W" in the €lter name) have been o,set up for clarity. Water bands between

1 mand 2 m are apparent.

sponding references for the spectral models are reported in Table 3.2. (Eese spectral models
are given in units ofk( ) = (Ry=R) (R, is the planetary radiusR is the stellar radius)
as a function of wavelength. (Ee second power of these spectrak({.€)?) is the fraction of
stellar light blocked by the planet during the transit as a function of wavelength, i.e. the transit
spectrum.

For each HJs, we model the out-of-transit spectrfih ) of the corresponding host star
by using the & reported in literature (see Table 3.2) and selecting the closest match in the
BT-SeSl| synthetic spectral library (Bara,e et al., 2015), assuntigg)=5.0]Fe/H=0 and no

enhancement.
From the observer's point of view, the fux observed during the traris{t ) is the di,er-

ence between the stellar spectrum and the spectrum of the light blocked by the planet, i.e.:

FXY=10) F()k()? (3.1)

To estimate the transit depth in relative units of fux, we convolvé ( ) andf { ) with
the instrumental throughput( ) (which includes both optical throughput and quantum ee-
ciency) of the facilities listed in Table 3.1, obtaining:

R R
_ (RUEC) ) L POk
( )f(C) ( )f(C)
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Table 3.2: HJs in the CREATES database and analyzed in this work. Zgg v indexis

increases with the strength of Rayleigh scaSering in the atmosphere (Sing et al., 2016).

Planet Zug wm ref.

WASP-17b -0.8 Fortney et al. (2010) and Sing et al. (2016)

WASP-31b 2.15 Fortney et al. (2010), Sing et al. (2013), and Sing et al. (2016)
HD209458b 0.73 Fortney et al. (2010) and Sing et al. (2016)

HAT-P-1b 2.01 Fortney et al. (2010), Nikolov et al. (2013), and Sing et al. (2016)
WASP-19b 1.04 Fortney et al. (2010) and Sing et al. (2016)

WASP-12b 3.76 Sing et al. (2013) and Sing et al. (2016)

HAT-P-12b 414 Fortney et al. (2010) and Sing et al. (2016)

HD189733b 5.52 Fortney et al. (2010) and Sing et al. (2016)

WASP-6b 8.49 Fortney et al. (2010), Nikolov et al. (2014), and Sing et al. (2016)
WASP-39b 0.1 Fortney et al. (2010) and Sing et al. (2016)

WASP-121b | Evans et al. (2016)

HAT-P-26b | Wakeford et al. (2017)
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We remark that we intentionally neglect any nightside pollution of the in-transit photom-
etry. Eis is supported by Kipping and TineSi (2010), which estimate that the contribution of
the thermal emission from the planetary nightside is less than 10 ppm for a typical HJ at wave-
length shorter that 2m. As we will €nd below, this is negligible compared with the typical
transit depth uncertainty.

For the synthetic photometry of CHEOPS, we obtain the photometric uncertainty on a
1 hr observation by using the CHEOPSim simul&toFor TESS, we compute the 1-hr uncer-
tainty using theticgen  package for Python (Ja,e and Barclay, 2017). For PLATO we use
the 1-hr noise vs. magnitude relation provided by Rauer et al. (2014) in the conservative case
that the star is observed with the minimum number (i.e., 8) of cameras simultaneously. For the
passbands of NIRCAM@JWST, we use the Exposure Time Calculator (ETC) \Pandeia Engine"
version 1.3 con€guring NIRCAM in \short-wavelength" mode, with the \rapid" read-out mode
of the smallest subarray allowed by the electronics (\sub64p"). Eese seSings allow the obser-
vation of bright stars avoiding saturation (Robberto, 2010; Stansberry and Lotz, 2014). We run
the ETC iteratively to €nd the maximum exposure time which maximizes the S/N of the pho-
tometry without reaching saturation. Once the best exposure time is found, the photometric
uncertainty is rescaled to a nominal 1-hr observation.

We compute the transit depth as the di,erence between the in-transit and out-of-transit
stellar photometry (Table 3.3). (Ee corresponding uncertainty is obtained by rescaling the 1-
hr photometric uncertainty with the square root of the transit time duratidg (we assume
poissonian noise). In the case of CHEOPS and JWST, the out-of-transit photometry will cover
a timespan similar to the transit duration: for this reason, we compute the uncertainty on the
transit depth by multiplying the photometric uncertainty b)IC/) 2. In the case of PLATO and
TESS, the photometric time series will run much longer than the orbital period of the HJs: we
thus assume that the uncertainty on the out-of-transit photometry is negligible with respect
to the in-transit photometry, and we do not apply any correction to the uncertainty on the

transit depth.

2https://cheops.unige.ch/cheopsim/
Shttps://jwst-docs.stsci.edu/display/JPP/JWST+ETC+Pandeia+Engine+

Tutorial
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For the brightest stars, we €nd that saturation cannot be avoided for JWST's observations,
in particular in the wide and medium bands. (Eese measurements are fagged wah "\

uncertainties in Table 3.3.

3.3 Analysis of known systems

We compare the transit depths at di,erent wavelengths looking for di,erences which may
indicate the presence of a non-gray atmosphere around the HJs. Since non-simultaneous ob-
servation of transits may be a,ected by stellar activity, the best way to follow this approach

iS to observe the same transits with di,erent instruments.

(Ee €rst couple of instruments we test is made up by CHEOPS and TESS, as they will op-
erate simultaneously for a few years in the near future (TESS is already fying, while CHEOPS
will be launched in the last quarter of 2019). While TESS is scanning almost the whole sky
following a €xed schedule, CHEOPS will be able to point at targets on demand. (Eis leads to
the possibility of scheduling the observation of a given HJ with CHEOPS when it is already in
TESS' €eld of view. (Ee original idea to compare CHEOPS' and TESS' observations is already
discussed in Gaidos, Kitzmann, and Heng (2017), but their work lacks considerations on the
photometric precision of the observations.

(Ee CHEOPS vs. TESS comparison is shown in Fig. 3.2. In particular, we plot the di,erence
between the transit depthscreops  Tess as a function of the blue-optical to mid-IR altitude
dierence Zyug .m as de€ned by Sing et al. (2016), where the laSer index increases with the
strength of Rayleigh scaSering in the atmosphere (i.&€ug v increases with the presence
of scaSering hazes and decreases with the strength #HCO and CH absorption bands in
the mid-IR). As Zyg v is not reported for all the HJs in the CREATES project, we plot the
remaining HJs with unknown Zyg v in the right panel of Fig. 3.2.

We generally €nd that the di,erence between the transit depths is between 0 and 300 ppm,
with a signi€cance of the detection below 2 (Eis is due to the fact that the wavelength
leverage between the two telescopes is too short, such that the two passbands largely overlap.
(Eis makes it diecult to detect the decrease of the transit depth with increasing wavelength

typical of scaSering atmospheres, especially at the V magnitudes of the stars in the CREATES
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Figure 3.2.Let panel -Transit depth di,erence cheops 1Ess as a function of the blue-
optical to mid-IR altitude di,erence Zyg .v. Labels indicate the name of the HJ and the
signi€cance level of the detectioRight panel -Transit depth di,erence for the HJ with un-

known ZUB LM -

Figure 3.3: Same as in Fig. 3.2 for thezew Tess transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for WFC3.
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database (typically ¥ 10). As we discuss in Sect. 3.4, signi€cant di,erences in transit depths
between CHEOPS and TESS can be measured for cool bright stars.

Another possibility is to increase the wavelength distance by using the UV capabilities of
the Wide Field Camera 3 (WFC3, Leckrone et al., 1998) of the Hubble Space Telescope (HST).
To this purpose, we select the bluest €lter of WFC3 whose spectral range is covered by the
atmospheric model of the HJs under study, namely F336W. In Fig. 3.3 we plot the transit depth
di,erence as measured by WFC3 and TESS: we €nd that increases by a factot-6f such
that in the most favorable cases is signi€cant at thel8vel. Replacing TESS with CHEOPS we
obtain similar results, due to the fact that the two passbands overlap with each other. Another
option is to increase the wavelength distance using the IR passbands of WFC3. We do not
investigate this possibility here, as the comparison between optical and IR observations is
discussed extensively below for the PLATO vs. JWST case, whose photometric precision will
allow more robust results.

To enlarge the wavelength leverage, we now compare the simulation done for PLATO and
JWST, as these telescopes will likely operate simultaneously in the next decade. Also in this
case, it is plausible to schedule JWST's observations in the same direction of PLATO, the laSer
having a €xed paSern of sky €elds to follow.

Our results are shown in Figs. 3.4|3.15. We €nd that for NIRCAM's passbands FO70W and
FO90W the di,erence in transit depth is lower than 300 ppm. As in the previous case, this
is due to the large overlap of these passbands with PLATO's. Nonetheless, the photometric
precision of both PLATO and NIRCAM is much beSer than the ones of CHEOPS and TESS,
such that the signi€cance level of the detectionsis3 for the most favourable HJs and for the
FO90W passband. In general we €nd that the transit depth di,erence is positive when PLATO is
compared with NIRCAM's FO90W €£lter, due to the scaSering slope in the optical. Conversely,
despite the fact that PLATO and the FO70W £€lter have similar e,ective wavelengths (Table 3.1),
the transit depth obtained with the FO70W €lter is lower than the one returned by PLATO, i.e.
the transit depth di,erence is negative, because PLATO's passband has a long tail towards red
wavelengths.

If we shi%. NIRCAM's observations to longer wavelengths, we €nd that the transit depth

di,erence can be either positive or negative. A positive di,erence indicates that the e,ective
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radius of the planet as seen by PLATO is larger than the one seen by NIRCAM. (Eis means
that the atmosphere of the planet is more opaque at optical wavelengths than in the infrared.
Vice versa, a negative transit depth di,erence indicates that the atmosphere is more opaque at
near-IR wavelengths than in the optical. Since water absorption bands are the main source of
opacity between 1 m and 2 m, the transit depth di,erence between PLATO and NIRCAM
gives straightforwardly an indication of the strength of the water features in the atmospheres
of HJs compared with the opacity in the optical.

In a similar way, Sing et al. (2016) de€ne the indeXyg v Which compares the relative
strength of scaSering, which is strongest at blue-optical wavelengths, to that of molecular
absorption mid-infrared wavelengths (mainly @, CO and CH). For this reason the transit
depth di,erence correlates with Zyg v in Figs. 3.4|3.15. Only in a few cases there is a
looser correlation between Zyg | and the transit depth di,erence, i.e. when NIRCAM's
€lters F115W, F150W2+F162M, F150W2+F164N, F210M and F212N are used. (Eis is due to
the fact that these €lters encompass spectral regions where the strength of the water bands
is lower compared with the other €lters (see Fig. 3.1). (Ee €lters listed above are thus less
e,ective in the measurement of the water bands absorption.

We remark that the analyzed systems have already been observed in spectrophotometry.
By consequence, the approach we outline in this work is redundant with respect to the infor-
mation already available. Nonetheless, they represent a realistic testbed to predict the output
expected from this technique when applied to fainter stars. As a maSer of fact, while the
signal does not depend on the magnitude of the stay the expected noise increases with
increasingm. Assuming that photon noise is the dominant source of uncertainty, poissonian
statistics leads to the result that the expected noise scaleBXs°. Hence, the signi€cance
levels reported in Figs. 3.2|3.15 are about 1.6 and 2.5 times smaller if the host stars are 1 and
2 magnitude fainter respectively with respect to the systems that we have analyzed. Our ap-

proach is thus still valuable also for stars whose faintness does not allow spectrophotometry.
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Figure 3.4: Same as in Fig. 3.2 for thearo ro7ow transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.5: Same as in Fig. 3.2 for thearo Fooow transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.
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Figure 3.6: Same as in Fig. 3.2 for thearo F1isw transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.7: Same as in Fig. 3.2 for theato Fisom transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.
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Figure 3.8: Same as in Fig. 3.2 for thearo Fisow transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.9: Same as in Flg 3.2 for th’@ATO F150W2+F162M transit depth di,erence. Data

points with no error bars are saturated even in the shortest available exposure for NIRCAM.
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Figure 3.10: Same as in Fig. 3.2 for thexro Fisow2+F1ean transit depth di,erence. Data

points with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.11: Same as in Fig. 3.2 for thexto F1sam transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.
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Figure 3.12: Same as in Fig. 3.2 for thexro r1g7n transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.13: Same as in Fig. 3.2 for thexro r200w transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.
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Figure 3.14: Same as in Fig. 3.2 for thgeaxro r210m transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.

Figure 3.15: Same as in Fig. 3.2 for thexro r212n transit depth di,erence. Data points

with no error bars are saturated even in the shortest available exposure for NIRCAM.
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3.4 E,ects of stellar activity

Stellar activity introduces chromatic e,ects which hamper the measurement of the transit
depth (Apai et al., 2018). First of all, if the projection of the HJ against the stellar surface
crosses an active region, then the transit light curve shows either a bump or a dip if the active
region is spot-dominated or facula-dominated respectively (e.g. Scandariato et al., 2017, and
references therein). Ee presence of unocculted active regions is more subtle. For example, the
fux contrast of cool starspots against the unperturbed photosphere decreases with increasing
wavelength. By consequence, if the projection of the HJ on the stellar disk does not occult
any spot, then the fraction of stellar light blocked by the planet (i.e. the transit depth) is larger
at shorter wavelengths. (Eus, spot-dominated stellar activity may be mistaken as Rayleigh
scaSering in the atmosphere of the HJ. Conversely, the presence of hot faculae in the photo-
sphere counteracts (and potentially cancels) the decrease of the transit depth with increasing
wavelength.

In this section we discuss the e,ects of stellar activity for di,erent combinations of stel-
lar spectral type, planetary transmission spectra and orbital distance on the measurement of
transit depths. In particular, we analyze planetary transits over quiet and active stellar photo-
spheres. To this aim, for each simulated scenario we simulate the out-of-transit and in-transit
photometry as done in Sect. 3.3, and we also predict the transit time duratiomvhich in
turns enters in the computation of the uncertainty on the transit depth.

We follow the same approach as in Sect. 3.3, i.e. we compute the transit depth measured
using couples of di,erent instrumental setups and looking for signi€cant di,erences. We do
not include WFC3 in this analysis as its exposure time calculator does not allow to simulate

in bulk the large number of scenarios we investigate in the current section.

3.4.1 Construction of simulated planetary systems

In our simulations, we consider main sequence stars with Tanging from 4000 K to 7000 K
(corresponding to the FGK spectral types) with a step of 500 K. To model the activity-a,ected
stellar spectra, for each stellar, Twe assume the temperature contrast of spots provided by
Berdyugina (2005) and extrapolate it up tQ £7000 K. We also follow Gondoin (2008) and
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assume that faculae are 100 K hoSer than the unperturbed photosphere. For the fractional
coverage of the photosphere by spots and faculaand ¢ respectively, we assume the €lling
factors provided by Rackham, Apai, and Giampapa (2019) as functions of spectral type. Finally,

we model the intensityl ( ) radiated by the star as:

I()=(@1 s p) Ip( )+ s Is()+ ¢ 1k(); (3.3)

wherel,( ), Is( ) andl¢( ) are the intensities of the unperturbed photosphere, spots and
faculae respectively. As for the unperturbed photosphere (Sect. 3.2), we m@debandl; ( )
using the BT-SeSlI spectral model with the corresponding temperature.

For each simulated ', we also interpolate the temperature{radius{mass-magnitudes re-
lations provided by Pecaut and Mamajek (2013) to obtain the stellar parameters needed for the

computation of the photometric accuracy of the observations:

"~ the stellar radius R which enters in the computation of the transit time duratidg;
"~ the stellar mass M which sets the orbital velocity and, thus, alsg;

"~ the stellar absolute magnitudes.

From the point of view of the planet, we analyze some speci€c atmospheres from the CRE-
ATES database, based on the expected transit depth di,erence (see the next sections). For each
selected atmospheric model, we naively assume that the planetary equilibrium temperature
Teq is the only parameter determining the physics of the atmosphere. We thus need to place
the simulated HJs at the correct distance from the simulated host star to keggxed. To

this purpose, we solve Eq. 6.60 in Perryman (2011) for the semimajoaasl we obtain:

R T. 2
a= — —
2 Teq

f @ A)J:; (3.4)

where A is the Bond albedo of the planet, describes the e,ectiveness of circulationg Tis
the stellar e,ective temperature and is the semi-major axis corresponding tQgl
Finally, to writetq in terms of stellar, planetary and orbital parameters, we combine Egs. 6.16

and 6.28 in Perryman (2011) and obtain that the transit duration is given by:

tg_ M°a 2R +R,
t9° M a RO+R,’

(3.5)
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where the primed quantities refer to the parameters of the original systems to which the se-

lected HJs belongs to. If we plug Eg. 3.4 into Eq. 3.5, we €nally obtain:

tg . MOR 2 R +R, To
t9° M RO RO+R, TO'

(3.6)

which allows to scale the transit duration of the original planetary system to the simulated
scenario. For simplicity, we takR, as the mediarR,( ) between 0.4 mand 0.6 m.

We thus end up with a collection of simulated planetary systems, each one with its own set
of stellar (T. , s, p, V-band absolute magnitude) and planetaty, (transmission spectrum)
parameters needed to compute the expected transit depths and the corresponding uncertain-

ties, as described in Sect. 3.3.

3.4.2 CHEOPS-TESS comparison

In Sect. 3.3 we found that the HJs in the CREATES database are not suited for a comparative
analysis using CHEOPS and TESS, mainly because the corresponding host stars are too faint
to get high precision photometry with the two instruments. We now simulate the same HJs,
rescaling the planetary system as discussed above, depending onsthef The host star. In
particular, we focus on the atmospheric models of WASP-31b and HAT-P-12b, as they show the
minimum and maximum transit depth di,erencecheops  TEss respectively (Fig. 3.2). Eis
choice aims at analyzing the e,ects of stellar activity in the range of the planetary atmospheres
in Table 3.2. We also set the apparent magnitude of the simulated stars to V=8, which is within
the saturation limits of both CHEOPS and TESS. For each star-HJ scenario, we compute the
transit depths and the corresponding uncertainties as in Sect. 3.2. (Ee results of our simulations
are shown in Fig. 3.16.

For the case of WASP-31-b, we obtain that thgeops Tess di,erence is consistent
with the null detection within 1 , for both scenarios with a quiet and active host star (cyan
and red symbols respectively in Fig. 3.16). If anything, we €nd that the expected signal in-
creases with decreasing stellag T especially in the \active star" scenario. To verify if this is
due to stellar activity, we simulate the same system substituting the planetary transmission
spectrum with a fat spectrum, matching the transit depth of the fat and model spectra in the

visible band. We €nd that the stellar activity signal is 200 ppm, negligible at théelel (blue
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Figure 3.16: Simulation of thesyeops Tess for host stars with V=8, T between 4000 K

and 7000 K and atmospheric models as WASP-31b (top panel) and HAT-P-12b (boSom panel).
In each panel, cyan symbols represent the simulation assuming no stellar activity, while red
symbols include the e,ect of stellar activity. Blue symbols represent the simulation of a HJ
with a fat transmission spectrum transiting an active star.
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symbols). We also €nd that, in the presence of a scaSering atmosphere, the atmospheric signal
is enhanced, still within the error bars.

For HAT-P-12b we €nd a larger atmospheric signal, as expected, with a signi€cance level
of afew , especially for T <6000 K. We also €nd that the stellar activity signal is consistent
with the null detection within 1 . Finally, also in this case we €nd that stellar activity pushes

up the atmospheric signal, introducing a bias smaller than the measurement uncertainties.

3.4.3 PLATO-NIRCAM comparison

To compare the transit depths as observed by PLATO and NIRCAM@JWST, we analyze WASP-
17b and HAT-P-12b, whose transit depth di,erence between PLATO and NIRCAM's passbands
are the lowest and the highest respectively (Figs. 3.4|3.15). To avoid saturation of the instru-
ments, we simulated host stars with V=13.

For both planets, we €nd that the transit depth measurements and its dependence on spec-
tral type changes with the NIRCAM €lter used for the observations. In most cases, the signif-
icance of the atmospheric signal is high, ranging from5 for T, =7000 K to a few tens of

for cooler T . We also €nd that the signi€cance increases with the of the selected NIR-
CAM passband. (Ee only exception to this general ruleggaro Fo7ow , because the wave-
length leverage between PLATO and the €lter FO70W is too short to detect any wavelength-
dependence signi€cantly. In Fig. 3.17 we show the case@fo rooow for the two dis-
cussed model atmospheres.

Our simulations also show that, for both model atmospheres, stellar activity is expected
to produce a negligible signal in the case of a fat transmission spectrum, as we already found
analyzing the CHEOPS-TESS comparison. Moreover, the e,ect of stellar activity is to push
up the atmospheric signal, but again this bias is within the measurement uncertainties, thus
negligible.

(Ee main di,erence between the two models is the sign of the atmospheric signal. For
HAT-P-12b the di,erence is positive, which con€rms the scaSering-dominated transmission
spectrum. Conversely, the spectrum of WASP-17b is characterized by strong water absorption
bandsat 1 m, 1.5 mand 2 m, where most of NIRCAM's passbands are centered

(Fig. 3.1). Eis leads to the fact that that the atmosphere is more opaque at near-infrared
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Figure 3.17: Same as in Fig. 3.16, for a WASP-18b-like (top panel) and a HAT-P-12b-like (boSom
panel) HJ orbiting stars with V=13 and di,erentl.
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wavelengths than in the optical, thus leading to negative transit depth di,erences. (Ee only
exceptions are the F150W2+F162M and F150W2+F164N, which are centered between the two
water absorption bands at 1.5 mand 2 m. Inthese cases, the transit depth measured by
PLATO and NIRCAM are comparable, such that no di,erence can be detected with enough
signi€cance.

Between the two extreme cases represented by WASP-17b and HAT-P-12b there are other
atmospheric models which lead to weaker signals. For example, for the atmospheric model of
HAT-P-1b, whose transit depth di,erence is close to zero in Figs. 3.4|3.15, we €nd that the
signal is too weak for a clear detection regardless of the spectral type of the host stars. More-
over, the stellar activity signal is of the same order of magnitude of the expected atmospheric
signal, which means that it is hard to discriminate whether a detection is of stellar or planetary

origin, provided the required photometric precision.

3.5 Discussion

In this Chapter, we have outlined a strategy to measure the e,ects of scaSering/absorbing
planetary atmospheres onto the transit depths of Hot Jupiters (HJs) using current and future
space telescopes: HST, TESS, CHEOPS, PLATO and JWST. (Eis technique consists in measur-
ing and comparing the transit depth measured in di,erent photometric bands, as done in, e.g.,
Nascimbeni et al. (2013), Mallonn et al. (2015) and Nascimbeni et al. (2015). Eis work is thus a
feasibility study for the application of the photometric multi-band analysis with space-borne
facilities.

First of all we analyzed the set of known HJs in the CREATES database, simulating the ob-
servations done with online and forthcoming facilities such as WFC3@HST, TESS, CHEOPS,
PLATO and NIRCAM@JWST. We obtained that the CHEOPS-TESS synergy cannot lead to
signi€cant results because their respective passbands overlap with each other. Eis means
that the wavelength leverage between the two telescopes is too small to measure the spectral
slope of the atmosphere. Moreover, the host stars are too faint for the two telescopes to obtain
photometric light curves with the required precision. (Ee expected signal may become statis-

tically signi€cant if the observations of either CHEOPS or TESS are compared with the ones
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of WFC3 used in the UV channel.

Conversely, the PLATO-NIRCAM synergy is more promising, both because the two instru-
ments do not overlap in wavelength (except for NIRCAM's FO70W and FO90W) and because
of their larger sensitivity. Our results show that the atmospheric signal can be measured with
strong signi€cance across the range of analyzed HJs. (Ee only exceptions are those HJs whose
atmospheres have comparable optical depths in PLATO's and NIRCAM's passbands due to
matching opacities in the optical and water molecular absorption bands.

In the perspective of new HJ discoveries provided by TESS and PLATO, we also simulated
di,erent scenarios where host stars of dierent I and activity levels are orbited by HJs
with the atmospheres in the CREATES database. We €nd that the CHEOPS-TESS and PLATO-
NIRCAM synergies can e,ectively provide information on the atmospheres of HJs with strong
signi€cance, provided that the host star is bright enough to achieve the required photometric
precision. In particular, we €nd that the atmospheric e,ectis maximized at later spectral types,
and that the typical stellar activity level of main sequence stars negligibly contributes to the
di,erence of transit depths.

We remark that our work is based on the analysis of mono-transits. If multiple transits
are observed, than uncertainties on the transit depths measurements are expected to decrease
with the square root of the number of observed transit. If stellar brightness is an issue in
terms of photometric precision, then in principle it is possible to observe more transits and
achieve beSer signi€cance on the detection. Nonetheless, in this case a robust model is needed
to correct the stellar variability, which signi€cantly biases the multi-epoch observations of
transits.

On the bright side of the stellar population in the solar neighborhood, we notice that JWST
large aperture makes stars brighter thary K 8-9 saturate even in the shortest exposure time
available (Stansberry and Lotz, 2014). Eis problem can be mitigated using NIRCAM's weak
lens WL+8, which defocuses the star spreading the light out over many pixels. Eus, while
this instrumental setup extends the applicability of our approach to stars as brightas K
(Stansberry and Lotz, 2014), it also decreases the uncertainties due to the telescope's jiSer.
(Ee latest version of the ETC (v. 1.3) does not allow the simulation of this instrumental setup.

When it becomes available, it will be possible to redo the calculations in this work, and in par-
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ticular the estimate of the maximum integration time before saturation and the corresponding
photometric noise.

We have notincluded ARIEL in this preparatory study as its development s still in a prelim-
inary stage and technical details such as the passband still needs to be con€rmed. Nonethe-
less, we remark that it will be able to provide accurate photometry in the visual, red and
near-infrared bands (TineSi et al., 2018). Hence, ARIEL will be an important candidate for
the synergetic observations of HJs' primary transits outlined in this chapter, as its spectral
coverage nicely overlaps with the ones analyzed in this work.

Finally, we remark that our aim in this work is to predict the performances of the multi-
band photometry approach in the atmospheric characterization of HJs. To this purpose, we
do not investigate the whole space of atmospheric parameters, which may lead to unrealistic
atmospheric models. We rather choose to analyze the model atmospheres which €t the spec-
trophotometric data collected so far for a dozen of HJs, taking them as a good representative
sample of the family of hot giant planets. In this sense, our analysis cover a restricted though

realistic range of the atmospheric parameter space.
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Chapter 4

Speckle Photometry with CHEOPS

4.1 Introduction

(Ee formation of the image at the focal plane in CHEOPS, being basically a defocused optical
telescope, is dominated, for what concerns the overall size and low spatial frequency distribu-
tion of light (the \shape" of the PSF) by geometrical approximation. (Ee point spread function
(PSF) describes the response of an imaging system to a point source or point object. However
the €nest structures of the PSF remains dominated by the di,raction e,ects. For a di,raction
limited unobstructed telescope in focus, the PSF has a size of the order of /244 being the
wavelength of light and D is the diameter of the telescope's aperture. A liSle obstruction, as in
the case of CHEOPS, does not perturb signi€cantly such a €gure (although it place more light
in the halo). Aberrations of the telescope, including the deliberate defocus and others, like
the trefoil introduced by the deformation of the primary mirror and e,ects of misalignment,

will produce a more complex paSern, however it will be basically composed by structures that
still exhibit the size pointed out above. Eese structures are usually called \speckles" and they
are used in the so called speckle interferometry to recover high spatial frequency information
through accumulation in the Fourier space of such a signal. While observing through a tur-
bulent atmosphere makes such speckles \boiling" in the case of a space telescope these are
not supposed to change signi€cantly, especially along a single observing run. However their
power is hampered by both limited sampling, and by smearing for instance due to the jiSer of

the spacecra%. during a single exposure. (Eis means that, although the power in the Fourier
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spectrum of the PSF granulosity is likely to be lowered by these two combined e,ect, the idea
is that such an e,ect can be measured. Let us remind that this will translate into a di,erent
shape of the power spectrum integrated into the bidimensional domain so that a lot of pixels

would concour to an estimator

Figure 4.1: CHEOPS Point spread function at 330nm

CHEOPS optics being designed to work from 330 to 1100nm, would exhibits a speckle
feature size that ranges from 0.52" for the 330nm, to 1.73" at 1100nm, to be compared with a
pixel size of 13 microns and a plate scale of 1 arcsec/pixels and a jiSer whose rms is of the order
of 4 arcsec (Cessa et al., 2017). We have analyzed 155 4kx4k pixel images of the CHEOPS PSFs
with wavelength ranging from 330nm to 1100nm at a di,erence of 5nm. We have selected
the central 400x400 pixel frames of the entire 4k image and performed all our preliminary
calculations so that it is easier to handle and process big data and avoid memory overloading.

Figure 4.1-4.3 shows a few of such images at di,erent wavelengths.
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Figure 4.2: CHEOPS Point spread function at 585nm

Figure 4.3: CHEOPS Point spread function at 1100nm
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4.2 Method

Considering that the CHEOPS actual images will be 10 times less resolved than the model PSF,
we converted the 400x400 central frames into 40x40 pixel images (10x10 binning) and then
performed all the proceeding calculations. (Ee ultimate image on the CCD of CHEOPS will

be the integration of the weighted PSFs over the wavelength space.

Z
Lx;y)= w( )P (x;y) (4.1)

where, | is the €nal image on the CCD, w(and P is the wavelength dependent response

function and the PSF of the CHEOPS telescope.

Figure 4.4: Lee:. Two di€erent point sources with Flat Blue and Red coloured fluxes. Right:

Respective PSDs (1D-log scaled)

First, we created fat colored point sources namely, Blue and Red images. Blue image corre-

sponds to the accumulation of all PSFs from 330 to 585 nm to form a single source image. while
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Red image corresponds to the accumulation of all the PSFs from 585 to 1100 nm. (Ee spectral
behavior of such sources can be seen in the €gure 4.4. We can see the subtle di,erences in the
Power Spectrum Distribution(PSD henceforth), which we want to exploit and create a color
index scale i.e., the Powers spectrum corresponding to the Blue image is less than the power
spectrum corresponding to the red image in region x1 and more than it in region x2. (Ee two
power spectrum cross each other somewhere around unit 12 in the frequency space. Eis trend
can be seen even in the images where we provide a fux gradient with wavelength. (Eerefore,

we de€ned a color index as:

Area under the region x1

index = .
Area under the region x2

(4.2)

For fat Blue Source: index = 0.406
For fat Red Source: index = 0.348

Figure 4.5:Lee: Point Fluxes with varying colour distribution (linear). Right: Respective PSDs

(1D-log scaled)
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Secondly, we did the same calculations with di,erent point sources where there is a fux

gradient with wavelength given by
F=10+m ( 0) (4.3)

where, (=330nm.

Figure 4.6:Defined color index vs slope of the linear colour distribution

Although, the fux distribution is not normalized, the magnitude does not have any e,ect
on the €nal color index. (Ee results are the same with or without normalization. Moreover
the crossing point of the power spectrum of the di,erent images are not the same as the one
we see in €g 4.4. But | kept the frequency unit same for completeness. Figure 4.5. shows a
di,erent sets of point source fux distributions and their PSDs. (Ee slope of the di,erent plots
are varying from -0.0am ! to +0.0hm . Figure 4.6. shows the index vs slope plot. (Ee

range is within the index values for fat Blue and Red.

(Een we used the Phoenix theoretical stellar fuxes and created point source CHEOPS

images out of it. Ee PSDs of these images shows similar color behavior, if we plot the same for
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Figure 4.7:PSDs of CHEOPS Images of point stars with varying e€ective temperature

di,erent stellar temperatures (Fig 4.2). Here too | used the same reference frequency unit(i.e.,
12) and a%oer performing the same calculations, we €nd a monotonic curve of the color index
with stellar temperature. (Fig. 4.8)

Based on this study, we should be able to put some constraints on the e,ective temperature

of the star.

4.3 Spectral features from transit photometry

Next, we studied the activity of the star and did some simulations to create active stars. We
would like to see the di,erence in the color index for a quiet and an active star. For our study,
the star's activity is characterized by two parameters, namely the spot coverage(€lling factor)
and the spot temperature with respect to the star. Figure 4.9 shows the color index of a star
with e,ective temperature 6000K at di,erent spot temperature and coverage. In the plot, the

color indices are magni€ed 1000 times to show signi€cant di,erences between two contours.
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Figure 4.8:Defined Color index vs Stellar E€ective Temperature

(Eis study can be useful if we observe the same target at di,erent epochs.

Using the CHEOPS PSF, we can perform color study of the targets and can put constraints
on the characteristics that are color dependent. For example, e,ective temperature of the star
is one such physical characteristic. Furthermore, we can study the same target at di,erent
epochs and calculate this index. If the di,erences in the color indices are outside error limits
then we can determine some information on the activity of the star. Again, if we observe a
star with a transiting planet during transit and out-of-transit, then by measuring this color
index, we can determine spectral information due to the atmosphere of the transiting planet

and perhaps provide an estimate on the scale height.

4.4 Simulations

To expand from the previous analysis, we simulated photometric images of stars with di,erent

spectral signatures using the CHEOPS PSFs and added to it the systematic errors including
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Figure 4.9: Color indexes for a spot dominated active star with the e€ective temperature
of 6000K. The variable parameters are the spot temperature and the filling factor following

Berdyugina, 2005(Color index values are multiplied by 1000)

the jiSer e,ects. We used these images to calculate our de€ned color index to characterize the
spectral signature hidden within the errors. For example, we have extracted 1000 images of a
magnitude 8.0V FO star with all the systematic errors using CHEOPSSim. (Ee cadence for the
imageSes were €xed at 10 seconds. Figure 4.10 shows the power spectral distribution of the
spatial frequencies of the imageSes and the calculated color indices in the lower subplot. Ee
PSD is spread over a large region in the spatial frequency space and so does the de€ned color
index. We are able to identify characteristic features in the color index plot, more importantly

the spikes which corresponds to the cosmic rays.
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Figure 4.10:(Upper)PSD of 1000 images of an FO star. The photometric images are simulated
by the CHEOPSSim simulator. (Lower)Corresponding color indexes of the 1000 images

We did the same exercise for di,erent spectral types of stars namely, FO, GO, KO, and MO in
the visible band. Ee statistical spread in the PSDs would come out to be of similar order since
the noise model is the same for all. But hidden within the errors, it is possible to distinguish
between the histogram spread of the four sources with an avera@econ€dence (€g 4.11).
(Eerefore, based on €gure 4.8, we should be able to determine the spectral temperature of
the star. Although it should be noted that in the present spectral model of the stars, only the
temperature is set as a variable parameter, other parameters like surface gravity and metallicity

are kept constant.
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Figure 4.111(Lee) Colorindexes for an FO,G0,K0 and MO star with instrumental noises. (Right)

Respective histograms

Next, we simulated the spectral features of a GOV star in both quiet and active phase, and
calculated the color index. With a 40% spot coverage and a 2000k Photosphere-Spot tempera-
ture contrast, the observed color index is di,erent from the quiet star's color index(¥5
(< 1 ). CEerefore, it is diecult to distinguish between an active and quiet star on subsequent
follow-ups at di,erent epochs.

Lastly, in order to speculate about the spectral signatures from an Exoplanetary atmo-
sphere, we simulated CHEOPS photometric images during transits of WASP-17b like system.
We simulated in-transit and out of transit images and calculated the color indexes for both.
But, in this case as well the observed color index di,erence came out to be less ¢tfan
(0:4 ). Moreover, with larger number of in-transit images, the signi€cance of the di,erence

in the color index increases.
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4.5 Conclusion

We tried to leverage out the unique defocused optical system of CHEOPS and develope a strat-
egy to extract out spectral signatures within its ultra-high precision photometry. Using the
CHEOPSSIim simulator, we created images of di,erent spectral types of stars and by incorpo-
rating the noise model which includes the telescopes jiSer at an optimistic rm& afcsec,

we de€ned a color index parameter space. Since the plate scale is 1 arcsec/pixels, the smear
scaSers can be assumed to be limited to a 4-pixel radius. (Eis generates a scaSer of 0.01 in
the calculated color index which pertains to the photometric and jiSer noise. Eus limited
spectral features with an index resolution of 0.01 can be derived from the CHEOPS photomet-
ric images. Moreover, higher pixel density within the de-focused PSF could help in probing
more subtle spectral imprints. Future optical systems can consider leveraging out the speckle
paSerns for spectral resolutions along with high precision photometry.

Now, the two main spectral sources which we studied are the one due to stellar spot evo-
lutions and the other due to Rayleigh scaSering in the exoplanetary atmosphere during the
transit. For the spot dominated activity variation, we conclude that even for an extremely
active star, the observed variations in the color index between a quiet star and the active star
is below 1 sigma detection. (Eerefore, spectral changes pertaining to the activity will be dis-
solved into the photometric noise. We also aim at detecting Rayleigh ScaSering features by
calculating the color indexes of CHEOPS images of the target stars taken during the exoplane-
tary transit and comparing those to the same calculated for out of transitimages. We conclude
that for a highly infated hot-Jupiter with signi€cant Rayleigh ScaSering, it might be possible
to detect the di,erences in the color indexes within 1 sigma. For this, we need to accumulate
a large number of in-transit observation images aiming subsequent transits to minimize the
overall noise.

At the time we did not explore the spectral features during the secondary eclipse because
of the higher precision requirement for di,erentiation of re f ection and emission components.
Further, this methodology can be perfected with recalibrations a%oer its application on the
actual CHEOPS photometric images. Moreover, a beSer de€nition can also be explored based

on the same principles to expand the color index parameter space.
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Chapter 5

Kepler USPs with Secondary Eclipse and

Phase Variation

5.1 Introduction

(Ee current accepted method of planet formation is through the accretion of protoplanetary
discs. (Ee smaller planets form through pebble accretion much closer to the parent star while
the giants form through gas accretion far away beyond the snow line. Studies on the demo-
graphics of exoplanets had put a lot of question on this hypothesis with the detection of short
period gas giants which came to be known as Hot Jupiters. (Eis leads to the modern theo-
ries of giant planet inward migrations. On the other hand, a more recent study suggests that
the most common type of exoplanet with a period less thad00 days has a radius between
that of the Earth (R" ) and Neptune ( 4R' ) (Fulton et al., 2017). (Ee characteristics of
HJs has been well studied since the past two decades. But if we go on the other hand of the
mass spectrum, we will €nd the small rocky planets which are termed as Ultra Short Periods
(USPs). (Eese planets orbit at extremely short periods (Pday) are smaller than abouR2 .
Dectection of such small and extreme worlds are possible only through High precision transit
photometry. A number of USPs have been discovered with Kepler space observatory (Borucki
et al., 2010) in the past such as Corot-7kdkr et al., 2011), Kepler-10b (Batalha et al., 2011),
Kepler-78b (Sanchis-Ojeda et al., 2013), K2-141b (Malavolta et al., 2018).

As stated earlier, from an accretion standpoint the most plausible explanation to the forma-
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tion of USPs is the inward migration from distant orbits where such rocky-planet formation

is expected (Lee and Chiang, 2017). Since in-situ formation is theoretically less likely because
of strong irradiation from the star during the accretion phase. Alternatively, hot Jupiters or
close mini-Neptunes might have encountered strong photoevaporation that leads to complete
expulsion of their gaseous envelope thereby exposing the solid core (Owen and Wu, 2017),
(Winn et al., 2017).

Transit data from high precision photometry as provided by the Kepler Space Observatory has
the power to detect secondary eclipse and phase curve features especially when the data can be
compounded over a large number of planetary transits. Assuming that the secondary eclipse
is mainly due to the planet thermal emission in the Kepler bandpass for the high day-side tem-
perature, the comparison between the depth of the secondary eclipse and the amplitude of the
phase variations may provide some constraints on the nature of the USP planets.

In the optical, a majority of the planetary fux is the refected light from the star. Although,
since USPs receives a bulk of the stellar irradiation due to their close proximity, the surface
thermal emission is comparable to the refected component.

In this chapter, we present a collection of Kepler and K2 USP planets which shows sec-
ondary eclipse and phase curve variations. In section 5.2, we discuss the veSing process for
the search of the Secondary eclipse in UPSs from the entire Kepler catalogue of planets. Fur-
ther in section 5.3, we describe our analysis to remove stellar variability and companion planet
transits for each of the targets. Section 5.4 describes the model used for €Sing the detrended
stellar light curves which consist of transit, secondary eclipse phase variation features. Section
5.5 describes the formulation to compute the characteristic physical parameters from a sec-
ondary eclipse observation. Finally in section 5.6, we declare the outcomes of our computation

of a few ultra short period exoplanets followed by discussions in section 5.7.

5.2 Target Selection

We started our study by formalizing a selection criteria for the planets based on their size, their
close proximity to the parent star, and the signal to noise ratio of the starlight. We decided

to search only among the Kepler and K2 list of exoplanets. Ultimately, we came up with the
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selection criteria aRp,< 5R-, P< 1 days and an S/R 2. (Ee signal to noise ratio is
calculated as follows:

p

SNR = " N, (5.1)

where, is the photometric precision which can be calculated from the brightness of the star
in the kepler band-pass. It is extrapolated for di,erent targets using their stellar magnitude
and the photometric precision of K2-141 $0 ppm).Ny, is the total number of points during

all transits, which can be calculated if the period and the transit duration is known. (Ee esti-
mates on the eclipse depth. are calculated theoretically by using the stellar and planetary
parameters from previous studies of the targets and by assuming a preemptive albeds

0.5.

5.3 Light Curve Analysis

(Ee 29.4 minutes averaged long cadence raw images of the Kepler stars were obtained from
the Kepler-Mikulski Archive for Space Telescopes(MAST). We later extracted the light curves

from the calibrated pixel €les following (Vanderburg and Johnson, 2014) and (Vanderburg et
al., 2016). (Eey were further corrected and normalized based on the contamination levels in

respective quarters. Similar steps were performed for the targets with available short cadence
data.

(Ee ephemerides of each target were taken from previous studies. Using the period, transit
duration and the epoch of mid-transit time, we corrected for the stellar variability based on the
method explained in Sanchis-Ojeda et al. (2013). In summary, we did a sliding linear €Sing over
the out of primary transit and secondary eclipse data points and averaging over a time scale
equal to half the period. We stick with linear €Sings instead of high order splines because the
e,ect on the €nal result was not signi€cantly di,erent in either case. Hence, phase variations

were observed to be reserved in both cases.

5.3.1 Stellar Parameters
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In order to provide new estimates of the stellar parameters, we €t the Spectral Energy
Distribution (SED) via the MESA Isochrones and Stellar Tracks (MIST) (DoSer, 2016; Choi
et al., 2016) through th&EXOFASTV2 code (Eastman et al., 2019). In the code, the stellar
parameters are simultaneously constrained by the SED and the MIST isochrones, as the SED
primarily constrainsR andTg¢s , and a penalty for straying from the MIST evolutionary tracks
ensures the resulting star is physical in nature.

For each star we €t the available archival magnitudes from the WISE bands (Cutri and et
al., 2014), Sloan bands from the APASS DR9 Henden et al., 2015, Johnson's B, V, R and Cousin's
J, H, K bands from the UCAC4 catalogue (Zacharias et al., 2012), Kepler bands (Greiss et al.,
2012) and Gaia bands (Gaia Collaboration et al., 2018). We impose gaussian priors on e,ective
temperatureTe; and metallicity [Fe/H] with mean and width equal to the values reported in
the most recent work characterizing the planetary system. In addition to this, we also impose
gaussian priors on the stellar parallaxes based on the Gaia DR2 astrometric measurement (Gaia
Collaboration et al., 2018), a%oer correcting the DR2 value for the systematic 0,88t of33

as as reported in (Stassun and Torres, 2018); this astrometrical prior helps constraining the
stellar radius and improves the precision of the stellar parameters resulting from the SED

€Sing procedure. Ee results are shown in the table 5.3.1.

5.4 Transit, Secondary eclipse and Phase Curve Model

We de€ne our model as a sum of a transit function, a phase curve function and a secondary
eclipse function following Esteves, De Mooij, and Jayawardhana (2013). Since we are only
interested in USPs, Doppler broadening and the ellipsoidal variation e,ects are not included

in our modelling owing to their low masses.

F(t) = Fu (1) + Fec(t) + Fpn(t) (5.2)

where,Fy (t) = (1 ) from Mandel and Agol (2002) formulation for transit modelling
for a quadratically limb-darkened sourcEyy, is taken from Sobolev (1972); Charbonneau et al.
(2000) and de€ned as:
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sin +( )cos

Fon( ) = Au (5.3)

with cos = sin(i)sin(2 (1))

where, Ay, is the phase amplitude and kept as a free parameteg, [0, ] is the angle
between the star and observer subtended at the planét,[0, /2] is the orbital inclination
and is the orbital phase, with (t)=0 at the time of radial velocity maximum. Ee phase
function is truncated for the entire duration of the secondary eclipse.

For the secondary eclipse functidf, the fux ratio is divided into 3 parts: €rstly, the out
of secondary eclipse part which is zero. Secondly, the ecliptic ingress and eggress part which
is derived by calculating the area of the planet being occulted by the star as it ingresses into
or eggresses out-of occultation and thirdly, the complete occultation part, which is denoted by

the free parametereg.

8
3 p2 . 1+p<= (1

Acc = §pZ( ) o LWL Oy pe (h<=1+p  (54)
-0 1 p>= (1)

where, Ag is the area of the unocculted planetary disc visible to the observer, p is the
planet's radius, and (t) is the planet distance during the orbital motion. Both in units of

stellar radius. ; and , are the cosine angles given by:

2 2
CoSs 1 = pr 2 ® 1
2p (t)
A 5 (5.5)
CoSs , = —1+ ® P
T2
And further F¢. is de€ned as:
A
Fec= e p_e; 1 (56)

(Ee normalized light curve from the kepler pipeline are exactly centered at unity. More-
over, the outlier €ltering and stellar variability removal changes the mean of the whole data-
set. (Eerefore, in addition to this, we add an additional terpg to F(t) in (5.2). CEis is just

an o,set parameter which was kept free in our simulation. (Ee orbits of USP planets are
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assumed to be tidally locked because of their close proximity and therefore are circular and
co-rotational.

At the end, the free parameters are Orbital period(P), epoch of mid-trafgitgince pe-
riastron time is the same), transit duratiofg,, ), orbital inclination(i), planet ot star radius
ratio(p), eclipse depth{.) and phase amplitudé(; ). No direct priors has been used but in or-
der to speed up our computation, the stellar density values shown in 5.1 is used as an indirect
prior on the other parameters. (Ee stellar density is related with the other parameters through
the relation in 5.7. And we kept most preferred values for the €ve known parameters, taken

from previous studies while. andA;, are set around their theoretically calculated values.

_3 a’
~ GP2 R

While limb darkening co-eecients were calculated theoretically using the stellar e,ective

(5.7)

temperature(es; ), gravity(log(g)) and metalicity([Fe/H]). Een they are kept as €xed param-
eters in the DEMC modelling. (e model is computed over a 30 times over-sampled time

domain and then later binned down to take care of the long cadence data points.

5.5 Phase Curve Analysis

5.5.1 Secondary Eclipse

(Ee secondary eclipse depth quanti€es the amount of the fux emanating o, the planetary
dayside. (Ee majority of this fux is the stellar refected light but, the high irradiation due to
the close proximity of the planets to their parent star leads to observable thermal fux, even
in optical wavelength bands dpez-Morales and Seager (2007); Snellen, Mooij, and Albrecht
(2009). Eerefore, the observed eclipse depth is due to the obstruction of fuxes from both
refection and emission.

ec= ref T therm (58)

where, ¢ quanti€es the refected fuxyerm IS the fux generated by the planet's dayside.

(Ee two components are expreseed as:
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Ry

ref — Ag Ep (5.9)
R h |
2 M exp he 1 d
= P °_ e (5.10)
therm R? F7

where, Ay is the Geometric albedo, h is the Planck constdat, the boltzmann constant,
c the speed of lightTy planet's dayside brightness temperature aRdis the stellar fux inte-
grated over the kepler passband . R,=ais acquired from the model parameters following
(eqn 12) of Giranez (2007).

In order to estimate the respective fractions of planetary brightness from emission and
refection, equations 5.8, 5.9 and 5.10 are used and a map between the planet's geometric albedo
in the Kepler pass-band and the planet's brightness temperature is developed. Eermal models

are used to put constrains on the two components.

5.5.2 Night Side Emission

While the phase curve convey the information about the fux coming from the day side of the
planet, the di,erence in the eclipse depth and the phase amplitude reveals the fux emanating
from the nightside of the planet. (Ee base of the secondary eclipse depth quanti€es the total
fux from the star alone, on the other hand the base of the phase curve just before transit
qguanti€es the refected brightness and emission from the crescent visible part of the planet
(Fcres) @s well as the nightside emission in addition to the stellar fux. Based on symmetry,
the bright crescent part of the planet just before the transit will be exactly same in area as the
dark crescent part just before the secondary eclipse, which will be equal to the illuminated
part of the dayside hemisphere which is hidden from the observer. (Ee fux from this hidden
illuminated part of the planet is di,erence between the phase amplitudes at phase 0.5, which

is the maxima and at; or t, (see €g. 5.1)

Feres = A (max) A ( t1ta) (5.11)

where, Ay ( t,t,) are the phase curve values computed at the phase points where the

planet ingresses into or eggress out-o, secondary eclipse. Eerefore, following the €gure 5.1,
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the nightside fux night * can be computed from the di,erence between the bases of the phase

curve and the secondary eclipse.

Figure 5.1: Phase curve of a circular orbit around the secondary eclipse showing the individual

fux reference levels.

ec A ( tl;t4) = Feres + night (5.12)

=2 night = ec Ay (max) (5.13)

Nightside temperature can be estimated by reverse engineering equ. 5.1 yw#placed
by T, for nightside fux nign: . Following (Cowan and Agol, 2011) the day-side and night-side

e,ective temperature of a tidally locked planet is:

1 hight quanti€es the fux emanating from the majority part of the night-side hemisphere which is facing
towards the observer just before the transit ingress. (Ee other tiny fraction of the nighside fux is not in the

direction of the observer
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r
R 1
Tq = Test ;? (1 Ag)*

N
(&)
Bl

= (5.14)

r

Tz T 21 Ag)i (5.15)
n — leff a B 4 .

where, Ag is the bond albedo and is the heat circulation eesciency which parameterises

Bl

the heat fow from dayside to nightside. = 0 being no heat fow and = 1 means perfect
heat redistribution. Assuming zero bond albedo i.e., a perfectly absorbing exoplanet, the two
limiting cases for the dayside temperatures are the equilibrium temperature and the uniform
temperature corresponding td,, = 0 and Ty = T, respectively. (Eese temperatures are
de€ned aFeqm = (2 =3)"*Ters P R,=aand Tuitorm = (1 =4)™Tess P R,=a

We can use the saturatedly value corresponding to 100 refection and zero emission
scenario to obtairAg by using the relationAg = 3=2A for perfect lambertian sphere (Rowe
et al., 2006). (Eis way we can compute the absolute lower limit on the dayside tempera-
ture. Adding to that if we have new information about the nightside temperature, we in-
herently obtained the lower limit on the days-ide temperature. (Eis is because the day side
has to be hoSer than the night-side hemispherel). Again, under the assumption of perfect
absorptionf\y = Ag = 0), we obtain the upper limit on the day-side temperature.

(Eus, the derived dayside and nightside temperatures can shed more light over the planet's
thermal distribution and heat fow through the parameter and hence thag parameter
space can be constrained. (Eis can provide infromation on the relationship betwegand
Ay and therefore, we can speculate about the surface features like ref ectivity an emissivity as

compared to a perfect lambertian sphere.

88



660 06:z  %%T.GT. TO00'0 22TO0 5%.£/€8 #0000 TSZ0'0  €0000 0SZS¥9  $3999399:°06061.£8:0 qoT-1o1day

ov'e T.'2 £E218 20000 IZIO0 f:h6G528 ZH%945/00 11000192/ ¥92¢E 810000:09/G6T/:0 dOEY6.2TS2-Old3

89

0 82,927 20000 €E€TO0 75%.£298 6000°082S0°0 8000°0 ¥697°0S.2 1500 0L 85278S:0 a622-2H
50:24909T $7:5.£€GC €000'0 €STO0 75:%¥€98  $100.50€900 TTO0'0 TTTO'TISZ  5870000:08T6CTLG0 q90T-2M
9 8.GELT 20%828Z Y0000 T6TO0 &%.L9T8  8300:082¥000  0TO0'0 6EE6'6VLC  &100000 0 TCEBIED qTET-2
959862 §3%.1292 TO00'0 ¥020°0 £%..598 €000°0 TOYO'0 20000 9TLO'TI6Z 109000 04 V2€082Z:0 qTiT-2H

(wdd) (wdd) (92169p) (sAep) €e8ysye - 98Larg) (sAep)
Hdy %0 ="y ! Py °L d Jaue|d

"wyiiobre BuiS3 DND-IA 8yl Buisn paindwod sjspow Jno Jo sislauwrelred asdijos Arepuodss pue lsuen Arewd 13-1s8g :2'G 9|qeL



5.6 Results

5.6.1 K2-141b

K2-141 is a K-type star at a distance of 202 light-years. So far two planets have been identi€ed
orbiting the star with periods of 0.28 days for the inner planet and 7.74 days for the outer
one. It is a highly active star with visible spot/faculae evolution and a rotation period of 14
days. A%oer removing all the nine transits of planet C, we applied stellar variability correction
as described in 5.3 and obtained the detrended light curve see €gure 5.2. (Eis detrended light
curve is then €Sed with the model which includes transits, secondary eclipses and phase curve
variations simultaneously. Ee multivariate best-€Sed model parameters are shown in €gure

5.3 and the model plot is shown in the €gure 5.4.

Figure 5.2: Top plot is the light curve of the star k2-141 taken over a period of 80 days. Below

is the normalized light curve a%oer removing stellar variabilities.

(Ee primary transit parameters are in agreement with the results from Malavolta et al.

(2018) and so do the secondary eclipse depth measurements. Our simulations provides an
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Figure 5.3: Best-€t DE-MCMC parameters for the transit and secondary eclipse €t of K2-141b.

eclipse depth of 26'3:Sppm and an amplitude of phase variation equal to 2§:gpm. Ee
di,erence of the two is the night-side emission which is equal to Zg8ppm. Furthermore,
using the €Sed parameter,. we computed the geometric albedo as a function of the day-
side temperature of the planet as shown with the black solid line in €gure 5.4. A saturated

geometric albedo is the upper limit where it gets faSened with respect to the day-side tem-
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Figure 5.4: Best-€t model of K2-141b with the le%. side showing the primary transit and the

right side showing the secondary eclipse €t.

perature, which signi€es 100 contribution of refected light in the brightness of the planet
and negligible thermal emission. On the other hand the maximum day-side temperature that
the planet could generate is 3500K which corresponds to the zero albedo case i.e., norefec-
tion. (Ee saturated geometric albedo0s34 0:05as shown in €gure 5.5. While the sub-stellar
temperature is 3000 K and an average day-side equilibrium temperature2300K which is
clearly far o, from the observed minimum. (Eis could be interpreted as the planet's internal
heating which increases the overall surface temperature. Assuming the night-side emissions
at 2.8 ppm, the corresponding temperature is 2600K. (Eerefore, this could be interpreted as
the lower limit on the day-side temperature considering perfect heat-redistribution. Under
this assumption, at the peak phase amplitude of 23.4 ppm, the day-side thermal emission con-
tribution is going to be 2.8 ppm and hence the refection contribution to the secondary eclipse
depth can be 20.4 ppm at the maximum which corresponds % 68 ... Hence, the upper

limit on the geometric albedo should b3 0:5 (see €gure 5.5). Again, going with the per-
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Figure 5.5: Geometric albedo estimated as a function of the day-side temperature of K2-141b.
(Ee cyan lines corresponds to the 1-uncertainty in the computation ofAy. (Ee saturated

geometric albedo i9:34 0:05.

fect lambertian assumption for the planet, we can obtain an upper limit on the bond albedo as
0:45 05.

5.6.2 K2-131b

K2-131 system consist of a single discovered exoplanet which falls in the Super-Earth or Sub-
Neptune category based on its radius calculations. A precise mass determination might help
in describing its bulk features. Much like K2-141, it is also a highly active star with a visible
rotation period of 10-11 days. (Ee e,ective temperature of the star is around 5200K while the
planet is at a distance of 0.0095 AU and hence it receives a quite signi€cant radiation. (Ee

orbital period as reported by Livingston et al. (2018) is 0.36931 or 8.86 hrs with a predomi-
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nantly circularized orbit. Ee detrended light curve is €Sed with our model which provide a
consistent primary transit result as previous studies of this target. Although, the transit has
some peculiar features which could be indications of the exoplanet crossing over some spot-
ted regions of the star in a signi€cant number of transits out of th&0 observed transits. We
report a positive detection of secondary eclipse with more than.3cEe best-€t parameters

are shown in the €gure 5.6 and the model plot is shown in €gure 5.7.

Figure 5.6: Best-€t DE-MCMC parameters for the transit and secondary eclipse €t of K2-131b.
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